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Abstract

The formation of star clusters occurs in a complex environment and involve a

large number of physical processes. One of the most important processes to consider

is radiative feedback. The radiation released by forming stars heats the surrounding

gas and suppresses the fragmentation of low mass objects. Ionizing radiation can

also drive large scale outflows and disperse the surrounding gas. Owing to all this

complexity, the use of numerical simulations to study cluster formation in molec-

ular clouds has become commonplace. In order to study the effects of radiative

feedback on cluster formation over larger spatial scales than previous studies, we

present hydrodynamical simulations using the AMR code FLASH which make use

of cluster particles. Unlike previous studies, these particles represent an entire star

cluster rather than individual stars. We present a subgrid model for representing

the radiative output of a star cluster which involves randomly sampling an IMF over

time to populate the cluster. We show that our model is capable of reproducing the

properties of observed clusters such as the luminosity, ionizing photon output, and

star formation rate. The model was then incorporated into FLASH to examine the

effects of radiative feedback on cluster formation in a full hydrodynamical simula-

tion. We find that the inclusion of radiative transfer can drive large scale outflows

and decreases the overall star formation efficiency by a factor of 2, consistent with

previous studies. The inclusion of radiative feedback also significantly increases the

degree of subclustering. The use of cluster particles in hydrodynamical simulations

represents a promising method for future studies of cluster formation and the large

scale effects of radiative feedback.
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Chapter 1

Introduction

The formation, evolution, and death of stars involves a vast range of physical

processes that take place inside our universe. The formation of stars is directly

coupled with planet formation which is a prerequisite for life. The evolution of stars,

and their subsequent deaths, drive the large-scale evolution of galaxies. Moreover,

almost every element other than hydrogen and helium has been synthesized in the

cores of stars through nuclear fusion. These few examples illustrate why the study

of stars has been at the center of astronomy and astrophysics since its advent.

The formation of stars in the Milky Way takes place in large collections of cold

molecular gas known as giant molecular clouds (GMCs). GMCs have typical sizes

of 40-100 pc, temperatures of 10-20 K, and total masses from 105 to 107 M� (Fukui

& Kawamura, 2010). The conversion of this molecular gas into fully formed stars

involves a wide variety of physical processes. Gravity is the most important mecha-

nism in the star forming process. Small density fluctuations in the cloud can lead to

fragmentation which refers to small regions of the cloud undergoing rapid runaway

collapse.
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Stars do not fragment out of their parent cloud in isolation. Overdense regions

in the molecular cloud, known as clumps, are home to many sites of star formation

resulting in a star cluster. The variation between star clusters is immense. They

can range from small clusters containing tens of stars, such as Serpens South (Kirk

et al., 2013), to clusters like R136 which contains thousands of stars with over 120

of those being OB stars (Massey & Hunter, 1998). Moreover, it is estimated that

∼90% of stars form in a clustered environment which means that understanding the

details of cluster formation is crucial to a complete understanding of star formation.

While there is a large amount of variation between the properties of star clusters,

there is little to no variation in their stellar content (Chabrier, 2005). The initial mass

function (IMF) represents the distribution of stellar birth masses from one collective

star forming event. While there are different competing forms for the IMF, there

appears to be no variation of the IMF between star forming regions (Chabrier, 2005).

This applies for both galactic and extragalactic sources. It is therefore important to

isolate and understand the processes that are responsible for the IMF.

Recent advances in far infrared imaging, especially through the use of Herschel,

have revealed the complexity of star forming environments. Molecular clouds are

filled with filaments which are hosts to star formation. This is especially true for

regions where filaments intersect. The filamentary nature of molecular clouds has

been attributed to supersonic turbulence which is generated through repeated shock-

ing of the gas (Pudritz & Kevlahan, 2012). Not only is turbulence responsible for

generating the architecture of the star forming environment, but it is also thought to
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Figure 1.1: The Orion Nebula as seen by the infrared WISE instrument. The image shows the
filametary structure of star forming regions. The bright source in the center, the Trapezium cluster,
is a site of massive star formation. Credit : NASA, JPL− Caltech, andUCLA.
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be responsible for the broad features of the IMF (Padoan & Nordlund, 2005; Clark

& Klessen, 2008).

Radiative feedback, like turbulence, is another process which can affect the fea-

tures of the IMF. The formation of stars is an energetic process. The gravitational

collapse of a star forming core, its subsequent accretion, and the ignition of nuclear

burning releases a significant amount of energy as radiation. Absorption of infrared

radiation causes the dust and gas surrounding the star forming region to increase in

temperature. This has been shown to alter the fragmentation properties of the gas,

namely to suppress the fragmentation of low mass objects. The release of UV radi-

ation also ionizes the surrounding molecular gas. This results in large parsec-scale

bubbles of hot ionized gas known as HII regions. The expansion of an HII region

can clear out gas from a cluster forming region and completely halt the accretion

process. Such processes can ultimately lead to the dispersal of the GMC (?).

The use of numerical simulations has allowed the study of how these complex and

interconnected processes shape star formation. While significant progress has been

made in studying the role of individual processes, several challenges remain. Firstly,

a full hydrodynamical simulation which contains all relevant physical processes is yet

to be completed due to computational contraints. Secondly, it is not currently feasible

to study the collapse of an entire molecular cloud down to individual stellar densities.

Instead, a computational tool called sink particles is used to replace regions of high

density gas which are collapsing to form an individual protostar. This technique has

its limitations, however. Large molecular clouds can form thousands of stars or more

and following the formation and dynamical interactions between these particles is
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computationally expensive. This is especially true when the particles are coupled to a

radiative transfer scheme. Studies are therefore limited to studying small subregions

of molecular clouds and, even then, are not evolved long enough to fully disperse the

surrounding gas.

In this work, we attempt to study the formation of star clusters, and the effect

that their formation has on their surroundings, over the scale of an entire molecular

cloud through the use of cluster sink particles. These particles work with the same

principle as sink particles used to represent stars but instead represent an entire

stellar cluster. We have coupled our cluster sink particles with a raytracing method

to treat radiative transfer, similar in principle to Harper-Clark (2011). This has

several advantages. Since we are not resolving down to individual stars, we are

able to study the formation of clusters over an entire molecular cloud rather than

just a subregion. This allows us to study how the formation of a cluster can alter its

surroundings via radiative feedback on its natal cloud, possibly altering the formation

of clusters in other regions of the cloud. The decreased number of particles that need

to be considered also allows us to evolve our simulation for much longer compared

to those using stellar sink particles.

In order to couple our particles with a radiative transfer scheme, a subgrid model

is needed to represent the radiative output of an entire star cluster. The details of

this model are decribed in Chapter 3 and compared against observation to confirm

its validity. The implementation of this model into the hydrodynamical code FLASH

and details of the radiative transfer scheme, known as raytracing, are then discussed

in Chapter 4. Chapter 5 is dedicated to the results of three hydrodynamical sim-
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ulations which examine the effects of radiative feedback on cluster formation. The

overall aim of this work is to contruct a more complete picture, which is consistent

with recent observations, of how radiative feedback from forming clusters affects its

formation and the role this plays in dispersing progenitor molecular clouds.
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Chapter 2

Observations and theory of cluster

formation and feedback

2.1 Star formation observations

2.1.1 Molecular clouds Stars are born within large collections of molecular

gas called Giant Molecular Clouds (GMCs). GMCs from different galaxies show

similar properties; typical sizes are 40-100 pc with masses between 105 to 107 M�

(?Fukui & Kawamura, 2010). The star formation activity within a cloud is intimately

related to its physical properties and structure. For example, the star formation rate,

defined as the total mass converted to stars per year, within a molecular cloud scales

linearly with its dense gas mass (Wu et al., 2005; Gao & Solomon, 2004; Lada et al.,

2010b). This is a robust result which holds for both galactic and extragalactic clouds

regardless of the molecular tracers used to measure the star formation rate.
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Figure 2.1: Column density map of IC 5146 obtained with SPIRE/PACS by Arzoumanian et al.
(2011a). Overlaid are the 27 filaments obtained through a curvelet decomposition.
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Recent far-infrared studies with Herschel are revealing the complicated internal

structure in molecular clouds. Namely, clouds are found to be far more filamentary

than early surveys suggested (André et al., 2011; Schneider et al., 2012). This network

of dense, parsec-scale long filaments is likely due to intersecting, turbulent shocks

in the gas due to a variety of sources such as exapnding HII regions, stellar winds,

and supernovae (?Pudritz & Kevlahan, 2012). Observations suggest that these high

density filaments are also the sites of star formation (Hill et al., 2011a; Arzoumanian

et al., 2011b) which highlights the importance that turbulence plays in the star

formation process. The largest areas of star formation occur at the intersection of

filaments as observed in the Rosette molecular cloud (Hill et al., 2011b; Schneider

et al., 2012). The forming cluster is then fed with accretion flows flowing along the

filament, perhaps extending the star formation timescale (Kirk et al., 2013).

2.1.2 Cluster formation and properties Star clusters are broadly defined by

Lada & Lada (2003) as physically correlated stellar systems which contain a high

enough stellar density to be stable, if the cluster was in virial equlibrium, against

tidal disruption. To be considered a cluster, the grouping of stars must also have

an evaporation time (ie. the time it takes for a cluster to dissolve via dynamical

interactions and ejections) which is greater than 100 Myrs since this is the observed

lifetime of open clusters. These conditions roughly translate to groupings which have

greater than 35 stars and a stellar volume density which exceeds 1 M� pc−3 (Lada

& Lada, 2003).
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Figure 2.2: The SFRs in nearby star forming regions from Lada et al. (2010a). The two mass
columns represent different extinction thresholds for the measurement. The left mass column rep-
resents an extinction threshold of 0.1 magnitudes while the right column is 0.8 magnitudes.

Clusters are estimated to be formed at a rate of 2-4 Myrs−1 Kpc−2 in the solar

neighbourhood (Lada & Lada, 2003). Since the vast majority of stars (∼90%) form

in clustered environments, understanding their formation, structure, and evolution

is crucial to a complete theory of star formation.

The formation of clusters takes place inside clumps which are overdense regions

in molecular clouds which may or may not be gravitationally bound. Clumps have

typical densities, in the Milky Way, of 102-104 cm−3, sizes of 0.04-1 pc, and masses of

0.1-103 M� (Veltchev et al., 2013). The transition between starless and star-forming

clumps occurs at a density of roughly 104 cm−3 (Lada & Lada, 2003). Clumps then

fragment into smaller collapsing regions known as cores which form individual stars

or multi-star systems (binaries, triples, etc.) (?).

The early evolution of cluster formation is difficult to observe in the optical regime

due to dust obscuration, but recent advances in far-IR imaging have made embedded

cluster observations possible. An important observational result is the embedded
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cluster mass function. This function represents the number of embedded clusters

with a total stellar mass content between masses m and m + dm. Surveys have

revealed that, down to the observational limit, the embedded cluster mass function

can be represented as,

dN ∝ m−2dm (2.1)

where m is the cluster mass, and N is the number of clusters between m and m+dm

(Fall & Zhang, 2001; Bik et al., 2003; Lada & Lada, 2003).

The morphology of embedded clusters provides some important evidence about

their formation. Embedded clusters are not observed to be spherical but elongated

with an aspect ratio of approximately 2 (Lada, 2010). Lada & Lada (2003) have

shown that there are generally two types of embedded clusters; clusters which are

compact and centrally condensed, and those that exhibit irregular surface density

structures with multiple peaks. The irregular surface densities are evidence for sub-

clustering which can be washed out through dynamical interactions as the cluster

evolves.

Subclustering has been observed in the early stages of cluster formation for a

variety of star forming regions of different masses (Testi et al., 2000; Yan et al., 2010;

Gouliermis et al., 2012). These all show that clusters are not born as large, centrally

condensed objects but are instead built up of smaller clustered regions whose stellar

densities are significantly higher than the average. The ages of these subclusters are

not necessarily the same and can differ by a million years or more. It is estimated
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that these regions will merge through dynamical interactions in approximately three

million years.

There is also evidence that the separations between stars are not what would be

expected from a random distribution, but instead strongly peaked (Teixeira et al.,

2006). The peak separation corresponds to the Jeans length of the star forming

region.

The star formation rates (SFRs) in embedded clusters vary dramatically between

regions. Figure 2.2 shows the SFRs in nearby star forming regions. The large vari-

ation in SFRs is due to the availability of dense, star-forming gas. It has been

conclusively shown that the SFR and the number of forming protostars scales lin-

early with the amount of dense gas in the region (Wu et al., 2005; Gao & Solomon,

2004; Lada et al., 2010b).

Clusters do not remain embedded indefinitely as the gas is eventually cleared

from the region through stellar feedback. The majority of embedded clusters do not

survive the emergence; ∼90% of clusters dissolve within 10 Myrs due to internal

dynamical interactions (Lada & Lada, 2003).

2.1.3 The core and initial mass functions The fragmentation of clumps and

filaments gives rise to the formation of cores which are the early stage progenitors of

main sequence stars. Widefield sub-mm observations with cameras such as SCUBA

and MAMBO have allowed the identification of numerous of these cold and compact

cores which are intermediates between diffuse CO clumps and young stellar objects
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Figure 2.3: Three proposed function forms of the IMF. The Kroupa and Muench IMFs consist of
three separate powerlaws while the Chabrier IMF is a powerlaw at high masses with a lognormal
turnover for stars below 1 M�.

(Johnstone et al., 2001; Motte et al., 2001; Nutter & Ward-Thompson, 2007; Enoch

et al., 2008). An important result from these studies is the core mass function

(CMF) which is represented as dN/dM , where m represents the core mass and N is

the number of cores having masses between m and m+ dm. The mean core mass in

regions such as ρ Ophiuchi and Orion is ∼0.2-1.5 M� (André et al., 2011) and the

form of the CMF is well-fit with a lognormal distribution with a high mass powerlaw

tail (see Chabrier (2009) for a discussion on the form of the CMF).

The initial mass function (IMF) is the mass spectrum of stars born collectively

in one star forming event and is represented in the same way as the CMF except

in this case m represents stellar mass and N is the number of stars having masses
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between m and m + dm. Being able to reproduce the observed IMF is a necessity

for a complete theory of star formation.

The first work on the IMF by Salpeter (1955) found that the high mass end of

the IMF can be expressed as ξ(m) ∝ m−1.35. However, significant progress has been

made on the function form of the IMF since its introduction through a variety of

observational techniques. The first step in measuring the IMF is to determine the

luminosity function of the region of interest (Kroupa et al., 2013). The luminosity

function is analogous to the mass function but represents the number of stars at a

given magnitude. Once the luminosity function is known, the mass function can be

determined through the use of a mass-luminosity relation for stars which is obtained

through detailed stellar structure modeling. This method (Kroupa et al., 2013) has

been applied to galactic field stars and stellar clusters (which have the advantage of

being an equidistant and co-eval sample of stars).

While different functional forms of the IMF have been fit to the results of these

surveys (see Figure 2.3 for some examples), there are several general conclusions that

can be drawn. The first is that the Salpeter slope is accurate for stars above 1 M�

(Alves et al., 2007). Below 1 M�, there is a turnover indicating that very low mass

stars are less prevalent. One form of the IMF proposed by Chabrier (2005), and the

one used throughout this work, fits the lower mass end of the IMF with a lognormal

distribution and a high mass powerlaw tail,
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ξ(log m) =


0.093× exp{−(log m−log 0.2)2

2×(0.55)2
}, m ≤ 1 M�

0.041m−1.35±0.3, m > 1 M�.

(2.2)

Surveys also suggest that the IMF is universal to within current observational

limits (?). This holds true for both galactic and extragalactic stars regardless of the

star-forming environment suggesting that star formation is a self-regulating process.

2.2 Theoretical considerations

2.2.1 Physical Processes

Recent theoretical and numerical studies have revealed that star formation in-

volves significantly more physical processes than initially included in early analytical

models. The interplay between gravity and turbulence is an especially important

topic (see review by Ballesteros-Paredes et al. (2007)). As mentioned earlier, re-

peated shocking of the gas is responsible for the filamentary star forming environment

observed in molecular clouds. Turbulent motions within molecular clouds are also

responsible for the observed lognormal column density probability function (PDF)

(Vázquez-Semadeni et al., 2006; Kevlahan & Pudritz, 2009). It has been proposed

that this lognormal PDF could be partly responsible for the form of the IMF, espe-

cially at the low mass end (Padoan & Nordlund, 2002a).
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Gravity is connected to turbulence through the gravitational collapse of the high

density fluctuations which determine the core mass function. Observations of the core

mass function reveal that it has the same form as the IMF except shifted upwards in

mass by approximately a factor of 3 (Goodwin et al., 2008; Chabrier & Hennebelle,

2010). This provides an estimate of the star formation efficiency since roughly two-

thirds of the gas is dispersed in the transition between a core and a fully formed

star.

The similarity between the IMF and the CMF also provides further evidence

about how cluster formation occurs. There have been two theories proposed for the

formation of stars in a cluster; competitive accretion and turbulent fragmentation.

Competetive accretion posits that stellar seeds form at a mass of roughly 0.1 M�

and subsequently accrete the required gas to form a protostar (Bonnell, 2005). This

mechanism assumes that the gas is not bound on scales smaller than a clump, so

the problem can be treated as non self-gravitating gas accreting onto point particles.

This is known as Bondi-Hoyle accretion and leads to the accretion rate varying as

ṁ ∝ m2 (Krumholz et al., 2006a). Therefore, as the stellar seed grows in mass, the

accretion rate also grows. In a clustered environment, several of these seeds will be

accreting and will be competing for the available gas in the clump. This mechanism

provides an explanation for the mass segregation seen in clusters; the first seeds to

form in the local gravitational minimum will accrete the most gas and so the highest

mass stars will be preferentially found in the center of the cluster (Krumholz et al.,

2005).
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While early simulations found that competitive accretion can result in the ob-

served IMF, more recent works have pointed out flaws. The first is that it as-

sumes clumps are not gravitationally bound which is not consistent with observations

(Krumholz et al., 2005). Secondly, if stars get the majority of their mass through ac-

cretion then there should be a large difference between the masses of protostars still

in the accretion phase compared to fully formed galactic field stars. This difference

is also not observed (Krumholz et al., 2005). Competetive accretion also posits that

cores and the surrounding gas should have significantly different velocities but this

difference is also not observed (Kirk et al., 2007).

The fact that the CMF is shifted to higher mass by a factor of 3 compared to

the IMF suggests that the second mechanism, turbulent fragmentation, is the more

likely mechanism for star formation. This is a “top-down” approach meaning that

prestellar cores fragment out of the parent clump via the dissipation of supersonic

turbulence and are not built up through accretion alone. The transition between the

CMF and the IMF is then due to the effects of stellar feedback which disrupt the gas

in the star-forming cores. Theoretical modeling (Matzner & McKee, 2000; Fall et al.,

2010) which includes the effects of feedback into a turbulent fragmentation scenario

have found a star formation efficiency of ∼30%, consistent with observations of the

offset between the CMF and the IMF. Moreover, numerical simulations of turbulent

fragmentation are able to reproduce the Salpeter slope (Padoan & Nordlund, 2002b,

2005).

There are some caveats to turbulent fragmentation and the origin of the IMF.

First, it assumes a one-to-one mapping between cores and protostars which ignores
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the formation of binaries or mulitple systems. Clark et al. (2007) have pointed out

that this assumption leads to star formation timescale inconsistencies which require

the CMF and the IMF to have different forms. The resulting mass functions also

depend heavily on the way the interstellar turbulence is driven. Large-scale driving of

the turbulence results in a mass spectrum that resembles the IMF (Clark & Klessen,

2008). However, if turbulence is introduced on smaller spatial scales the cores are

built up independently and are more easily disrupted, resulting in inefficient star

formation (Klessen et al., 2000). It is clear that a full understanding of the stellar

IMF requires more physical processes than just turbulence and gravity.

Stellar feedback, which occurs in many forms, is responsible for slowing the growth

of protostars and eventually stopping the star formation process entirely. The fol-

lowing is a list of relevant feedback mechanisms accompanied by a brief description;

• Radiative feedback: Heating and ionizing radiation, mostly from OB stars,

changes the local properties of the star forming gas (Offner et al., 2009; Dale

et al., 2007; Hansen et al., 2012; Dale et al., 2012). This process is described

in more detail in the next section.

• Radiation pressure: Photons released from a forming protostar scatter off

gas/dust and transfer momentum to the surrounding material. This form of

feedback is especially important in simulations of high mass star formation

where early results found that it is sufficient to stop the accretion process al-
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together (Cunningham et al., 2011; Kuiper et al., 2010).

• Supernovae feedback: Massive stars evolve to the main sequence signifi-

cantly faster than their low mass counterparts and explode as supernovae. The

resulting release of energy is sufficient to clear the gas completely from the star

forming region (Hensler, 2011).

• Jets, winds, and outflows: High temperatures and magnetic fields drive the

release of both neutral and charged particles from the stellar surface in the

form of a wind which interacts with infalling gas. Magnetic fields twisted up

in the protostellar disk drive outflows perpendicular to the disk (unlike stellar

winds which are more spherically symmetric). The resulting jets affect the ac-

cretion flow onto the forming protostar but are probably not responsible for the

large scale clearing of gas from the cluster (see review by Pudritz et al. (2007)).

Like the above processes, the presence of magnetic fields also slows the star for-

mation process by providing a large-scale pressure support of low density gas against

gravitational collapse (Myers & Goodman, 1988). On smaller scales, some simula-

tions show that the support due to magnetic fields is strong enough to prevent the

formation of a protostellar disk (Mellon & Li, 2008; Hennebelle & Fromang, 2008)

altogether. Seifried et al. (2013) showed that this problem can be avoided by the
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inclusion of turbulence indicating the above processes do not exist in isolation and

must be considered together to have a full understanding of star formation.

2.2.2 Radiative transfer

The transmission of radiation through a medium is a problem which arises through-

out many areas of astrophysics. It is a difficult problem to solve fully, however, due

to the overwhelming numerical complexity.

In the absence of scattering and in one dimesion, we can represent the specific

intensity (or brightness) of a beam of light as it travels through a medium via the

radiative transfer equation which is given by,

dIν
ds

= −ανIν + jν (2.3)

where Iν is the intensity of the beam with frequency ν, ds is a differential path length,

αν is the absorption coefficient in units of inverse length, and jν is the emission

coefficient. This is a simplified treatment which only considers absorption along the

path of the beam (represented by the first term on the right hand side of the above

equation) and emission (second term on right hand side) in one dimension with no

scattering into the beam.

Solving the above equation is simplified when considering absorption or emission

only. In the case of absorption only, the beam intensity is given by,
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Iν(s) = Iν(s0)exp[−
s∫

s0

αν(s
′)ds′] (2.4)

indicating that the brightness of the beam decreases by the exponential of the ab-

sorption coefficient integrated along the line of sight.

The beam intensity in the opposite case (ie. emission only) is given by,

Iν(s) = Iν(s0) +

s∫
s0

jν(s
′)ds′ (2.5)

meaning the increase to the brightness due to emission is equal to the emission

coefficient integrated along the line of sight.

The radiative transfer equation is typically expressed not in terms of physical

distances, s, but by the optical depth, τν , given by

τν(s) =

s∫
s0

αν(s
′)ds′. (2.6)

A region is said to be optically thick (or opaque) if τν > 1 meaning that a typical

photon of frequency ν cannot traverse a medium without being abosrbed. On the

other hand, if τν < 1 then the region is optically thin and a typical photon can pass

through the medium without being absorbed. Using optical depth, the radiative

transfer equation takes the following form
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dIν
ds

= −Iν + Sν (2.7)

where Sν is called the source function and is defined as the ratio between the emission

and absorption coefficient.

The material properties of the medium enter through the opacity coefficient,

κν(cm2 g−1), which is related to the absorption coefficient through,

αν = ρκν (2.8)

where ρ is the mass density. In most astrophysical situation, the largest contribu-

tor to the opacity is dust grains. At specific frequencies, line absorption by certain

molecular species can also contribute to the opacity. The frequency dependence of

the opacity complicates the radiative transfer equation. Many numerical simulations

involving radiative transfer use a single-valued opacity which is a frequency aver-

age of the frequency dependent opacity; the ’grey-atmosphere’ approximation. This

approximation, however, has its disadvantages. Since a single value of opacity is as-

sumed, the absorption in the infrared is typically overestimated since the the gas is

more transparent to radiation in comparison to UV wavelengths where absorption is

underestimated due to increased opacity. A multi-wavelength approach to radiative

transfer is more accurate but difficult to implement efficiently.

In the context of star formation simulations, radiative transfer plays an important

role. The immediate area surrounding the collapsing prestellar region is optically
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thick (including the protostellar disk) so radiation is absorbed and re-emitted by dust

at lower frequencies. Regions can become optically thin after gas has been cleared

meaning that radiation can travel long distances before interacting with the medium.

The effects of radiation on the star formation process is described in more detail below

and numerical methods to treat radiative transfer are described in Chapter 4.

2.2.3 Radiative feedback The star formation process releases energy in the

form of heat and ionizing radiation which has a significant impact on the local gas

properties (Price & Bate, 2009; Krumholz et al., 2010). The fragmentation and

gravitational collapse of cores in a site of active star formation is suppressed due to

the increased temperature. This can be understood in terms of changes in the Jeans

length. The Jeans length is the critical size scale for a spherical core below which

hydrostatic pressure support is not sufficient to prevent gravitational collapse and is

given by,

λJ =

√
15kBT

4πGµρ
(2.9)

where kB is Boltzmann’s constant, T is the temperature, µ is the mean molecular

weight, and ρ is the density. It can be seen that as the temperature increases, the

Jeans length also increases meaning that local density fluctuations do not as easily

trigger collapse. Ionization of the gas also acts to increase the Jeans length since an

increased ionization fraction corresponds to a decreased mean molecular weight.
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Including ionization routines in radiative feedback codes is vital to reproduce

observations. Large regions of low density, hot (∼ 5000-20000 K), partially ionized

gas known as HII regions are observed to surround locations of recent star formation

(Mezger & Henderson, 1967; Shields, 1990). These regions are produced by the

ionizing radiation released from massive stars as evidenced by smaller ultra-compact

HII regions which surround massive stars that are still deeply embedded in their

natal clouds (Churchwell, 2002). Expanding HII regions may also be responsible for

triggered star formation via the collect and collapse process (Dirienzo et al., 2012;

Zavagno et al., 2010) in which the expanding front collects enough material to become

gravitationally unstable and form stars.

The interaction of radiation with a surface through scattering and absorption

also induces a pressure on the material which can be related to the energy density,

u, through

P =
u

3
. (2.10)

In the context of star formation, UV and optical radiation is absorbed by dust

grains and re-emitted in the infrared. Since dust grains are coupled to the sur-

rounding gas through collisions, a pressure is exerted on both the gas and the dust.

Radiation pressure is especially important in studies of massive star formation. Un-

til recently, it was debated how massive stars form because in numerical simulations

the radiation pressure was so effective in stopping the accretion flow the protostars

could not grow above approximately 40 M� (Kuiper et al., 2012). Only through the
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introduction of more accurate radiative transfer schemes has the issue been resolved

(Kuiper et al., 2012).

It is clear that including radiative transfer into hydrodynamical simulations of star

formation is vital for reproducing observations and for understanding how heating,

radiation pressure, and ionization affect fragmentation. We have this capability in

FLASH, which is used in this work, through the use of a raytracing scheme that is

described in Chapter 4.

2.2.4 Numerical simulations of cluster formation

Hydrodynamical simulations of cluster formation have only become possible over

the past couple of decades due to advances in computational resources. There are

two computational techniques used in these simulations to solve the fluid equations;

Adaptive Mesh Refinement (AMR), and Smoothed-particle Hydrodynamics (SPH).

AMR solves the fluid equations on a Eulerian mesh which selectively increases the

resolution in regions of interest. AMR has the advantage of being able to treat

fluid discontinuities accurately but does not exactly conserve angular momentum

and is difficult to implement. SPH, on the other hand, is a purely Lagrangian code

and works by discretizing the fluid into distinct particles whose properties are later

’smoothed’ over an effective length to obtain relevant physical parameters. While

SPH does conserve angular momentum and automatically gets higher resolution in

dense regions, it suffers from the treatment of fluid discontinuities. This work will

focus on AMR since the code we use, FLASH, falls into this category.
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Even though significant progress has been made in simulations of cluster for-

mation, it still suffers from some fundamental limitations. The main issue is that

following the collapse of a diffuse collection of gas down to individual stellar densities

is not currently possible (Federrath et al., 2010). As a result, the use of sink parti-

cles has become ubiquitous. The gas that exceeds a certain density threshold, among

other criteria, is replaced by a particle of equal mass which is able to accrete gas and

interact gravitationally with its surroundings. Any physics occuring on scales smaller

than the sink particle is not resolved so subgrid models must be implemented. Sink

particles are typically used to represent a single star or, more accurately, a dense and

bound collection of gas which will soon become a star.

Early simulations of star formation suffered from artificial fragmentation, mean-

ing that the perturbations that arise from the discretization of the hydrodynamical

equations can lead to the formation of artifical fragments, which are overdense re-

gions that undergo rapid collapse and arise solely due to numerical effects. Truelove

et al. (1997) pointed out that this can be avoided by sufficiently resolving the Jeans

length through,

J =
∆x

λJ
≤ 0.25 (2.11)

where J is deemed the Jeans number, ∆x is the size of the smallest cell, and λJ is

the Jeans length. The Jeans length must therefore be resolved by at least 4 cells on

the highest level of refinement to avoid artificial fragmentation.
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Turbulence and self-gravity were the first physics to be included into numerical

simulations of cluster formation. The inclusion of turbulence is typically done in

one of two ways. Those by Klessen and collaborators (as in Schmeja & Klessen

(2004)) continuously force the velocity field over some range of scales setting up

a quasistatic turbulent velocity field while others (as in Dale & Bonnell (2008))

initiate the simulation with a turbulent velocity field but include no further driving.

Regardless of how the turbulence is initiated, some general conclusions can be drawn

from these simulations. The most important conclusion is that the inclusion of

turbulence significantly decreases the star formation efficiency per freefall time from

100% in the absence of turbulence to ∼30% (Bate et al., 2003; Bonnell et al., 2008).

As mentioned earlier, some turbulent simulations have been able to reproduce the

high mass end of the IMF (Padoan & Nordlund, 2002b, 2005) but this is not the

end of the story. For example, Bate & Bonnell (2005) found that the turnover in the

IMF in turbulent simulations is dependent on the mass of the parent molecular cloud

which is not seen in observations. This dependence can only be broken through the

inclusion of more physics.

Simulations are revealing that clusters have a complex dynamical history. The

turbulent fragmentation of a clump tends to give rise to subclustered regions which

then undergo hierarchical merging to produce larger clusters (Clarke, 2010). This

dramatically changes cluster morphology with time. Subclustered regions tend to be

highly asymmetric likely due to the filament geometry out of which they form. As

merging occurs between regions, the clusters take on a more spherical morphology

through stellar-stellar interaction. Merger events can have a significant impact on the
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form of the IMF because it provides massive stars with a large reservoir of gas from

which it can accrete (Clarke, 2010). Merging events are quite common, as illustrated

in Bate (2009) who showed that in a region of only 500 M�, there was a total of 5

subcluster mergers within 1.5 freefall times.

Newer generations of simulations have added different forms of stellar feedback

which affect cluster formation to various degrees. The mechanical energy introduced

by protostellar jets is found to have little effect on the total star formation efficiency

even though it is driving turbulence on small scales (Hansen et al., 2012). Radiative

feedback, through heating and ionization, has a more dramatic effect. Overall, the

star formation efficiency per freefall time is decreased by a factor of two even though

there is a small amount of triggered star formation (Offner et al., 2009). The forma-

tion of low mass objects is significantly suppressed as well, especially in the brown

dwarf regime. This has a dramatic effect on the form of the IMF. A recent study

by Krumholz et al. (2011) showed that the suppression of low mass fragmentation

combined with continued accretion onto already forming stars can create a top heavy

IMF.

The ionizing radiation does ionize the surrounding gas but not enough to stop

the star formation process (Dale et al., 2005; Harper-Clark, 2011; Dale et al., 2012).

The reason for this is the anisotropic structure inside the molecular clouds. The

formation of stars and clusters takes place in filaments and the radiation produced

by massive stars tends to escape into the low density voids perpendicular to the

filament. Accretion onto the forming cluster can still occur along the filament. If the

ionizing radiation is irradiating the cloud externally, however, it can have a dramatic
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Figure 2.4: Column density plots showing the effect of external ionizing radiation (right) compared
to a control run (left) from Dale et al. (2007). The incoming radiation effectively clears the gas
from the forming protocluster.
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effect on the morphology of the cloud as shown in Figure 2.4. In this case, the

external ionizing radiation blows away the gas from the forming protocluster. This

highlights the way in which ionizing radiation can cause negative feedback across an

entire GMC; the first clusters that form can disperse the gas in their vicinity and

externally irradiate clusters which are still forming in different regions of the cloud.

We examine this possibility in our work.

There are still many open questions to be answered in numerical simulations of

cluster formation. From a theoretical perspective, it is important to know which

processes are the most important in controlling the star formation rate/efficiency in

a molecular cloud and how different processes are interconnected. For this reason,

we have chosen to examine the effects of turbulence and radiative feedback on the

formation of stellar clusters on large spatial scales. To do this, we introduce a new

technique which uses sink particles to represent entire stellar clusters whose radiative

outputs are based on an IMF distribution, similar in principle to Harper-Clark (2011).

The reason for this is two-fold; the computational cost will be significantly reduced

due to the smaller number of particles involved meaning a more massive region can

be simulated, and we know that the IMF is the final product of the star formation

process so we can accurately represent the output of a cluster without knowing the

internal dynamics. The inclusion of cluster particles will allow us to examine how

a GMC is disrupted by radiative feedback and how this affects the cluster mass

distribution. In the following Chapter, I describe the model for representing the

radiative output of stellar clusters. The code we use and the implementation of
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cluster particles is described in Chapter 4, followed by simulation results in Chapter

5. I end with some brief conclusions and directions for future work.
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Chapter 3

Cluster Particle Model

The current chapter has been submitted to Monthly Notices of the Royal

Astronomical Society and has been accepted pending moderate revision.

3.1 abstract We present a model for the radiative output of star clusters

in the process of star formation suitable for use in hydrodynamical simulations of

radiative feedback in GMCs. A clump of gas is converted to stars via the random

sampling of the Chabrier IMF. A star formation efficiency controls the rate of star

formation. We have completed a suite of simulations which follow the evolution of

clumps with initial masses ranging from 0 to 105 M� and accretion rates ranging from

10−5 to 10−1 M� yr−1. The stellar content of the clump is tracked over time which

allows the aggregate luminosity, ionizing photon rate, number of stars, and star for-

mation rate (SFR) to be determined. For a fiducial clump of 104 M�, the luminosity

is approximately 4×106 L� with a SFR of roughly 3×10−3 M� yr−1. We identify two

regimes in our model. The accretion dominated regime obtains the majority of its

gas through accretion and is characterized by an increasing SFR while the reservoir
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dominated regime has the majority of its mass present in the initial clump and has

a decreasing SFR. We show that our model can accurately reproduce the number

of O stars, which dominate the radiative output of the cluster, observed in nearby

clusters. We also plot the SFR in our clumps versus the clump mass at multiple

times between 0.5 and 4 freefall times. We find a nearly linear relationship between

SFR and mass with the powerlaw index ranging from 0.97 to 1.16. A timescale for

star formation of 3 Myr is also found which is consistent with the age spread found

in nearby clusters. We conclude that our model is an accurate and straightforward

way to represent the output of clusters in hydrodynamical simulations with radiative

feedback.

3.2 Introduction

The clustered nature of star formation plays an important role over a wide range

of spatial scales. Since a large fraction of stars form in a cluster environment (Bressert

et al., 2010), understanding the cluster formation process can provide insight into

the origin of the initial mass function. On larger scales, star formation in clusters

may play a central role in galactic scale feedback and the formation and destruction

of giant molecular clouds (GMCs). Clusters are also interesting astrophysical objects

in their own right since they can have a wide range of ages and masses while showing

similar stellar contents.

Broadly speaking, the formation of a cluster can be thought of as the conversion

into stars of a high density clump of molecular gas within a larger GMC. This process
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can roughly be thought of in two separate steps. Firstly, the molecular gas in a clump

becomes gravitationally unstable and fragments into protostars. Secondly, feedback

mechanisms are responsible for shutting off the accretion onto the protostars and

dispersing of the gas in the cluster’s vicinity.

The conversion of molecular gas into fully formed stars is an inherently inefficient

process (Lada & Lada, 2003). While feedback is certaintly playing a role in the low

efficiency, there are other proposed mechanisms that limit star formation. Initial

turbulent velocity fields have been shown to significantly decrease the star forma-

tion efficiency per freefall time (Bate et al., 2003; Bonnell et al., 2008). However,

given enough time, a turbulent molecular cloud will be converted to stars with a

100% efficiency in the absence of other mechanisms. Magnetic fields also provide a

pressure support which can significantly decrease the star formation efficiency (My-

ers & Goodman, 1988). The process of feedback, however, does not just slow the

star formation process but can shut off accretion to the cluster altogether. It is also

important to consider because feedback affects the natal GMC since a clump and

young cluster are not isolated from their surroundings.

The interplay of turbulence, gravity, and star formation in the early stages of

cluster formation has been studied in detail (Klessen, 2001; McKee & Tan, 2003a;

Ballesteros-Paredes et al., 2006; McKee & Ostriker, 2007). Recent Herschel studies

emphasize that molecular clouds are highly filamentary (Schneider et al., 2012).

Embedded young clusters in nearby molecular clouds appear at the joining points of

several filaments (Schneider et al., 2012; Kirk et al., 2013). These are regions that can

be fed by higher than average accretion rates (Banerjee et al., 2006). In a turbulent
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medium, these points are dispersed so that monolithic collapse to form a cluster does

not occur. The observations of the Orion cloud suggest that subclustering occurs

across large regions of the cloud (Megeath et al., 2012) so that the formation of a

cluster would involve the eventual merger of a significant number of subclusters.

There are several mechanisms that have been suggested as being responsible for

shutting off accretion onto protostars and dispersing the remaining gas. These in-

clude stellar winds (Dale & Bonnell, 2008), radiation pressure (Krumholz & Thomp-

son, 2012), ionization and heating of the surrounding gas (Dale et al., 2005; Peters

et al., 2010; Klassen et al., 2012) and outflows from protostars in the presence of mag-

netic fields (Li & Nakamura, 2006; Maury et al., 2009). Of particular importance,

and the focus of this paper, is feedback due to gas ionization and heating. Ioniza-

tion is a vital process to include into numerical simulations because it is needed to

reproduce observed HII regions.

To fully include radiative feedback effects requires a detailed radiative transfer

scheme which can be computationally intensive. Nonetheless, the effects of radiative

feedback from clusters have been examined on both small and large spatial scales

(Dale et al., 2007; Peters et al., 2010; Bate, 2012; Dale et al., 2012; Klassen et al.,

2012; Kim et al., 2012). Both approaches have advantages and disadvantages. Small-

scale simulations of clusters, or multiple small clusters, simulate the formation of

individual stars (Bate, 2012). This is advantageous because the radiative output of

stars has been studied extensively through the use of stellar evolution codes. Also,

since individual stars in these simulations can be resolved, studies aimed at the origin
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of the IMF can be performed. However, these simulations require high resolution and

are therefore computationally expensive.

Galactic scale simulations which include radiative feedback effects cannot resolve

the formation of individual stars.

As a compromise in these galaxy-scale models, clusters are represented as a single

object with a subgrid model to represent its radiative output (Tasker, 2011; Hopkins

et al., 2012; Ceverino & Klypin, 2009). The clusters in these cases are typically given

a fixed output that does not change with time. As an example, the luminosity of a

cluster can be determined from its mass via an averaged IMF (Murray et al., 2010).

This simplified approach misses key aspects of the star formation process.

As an attempt to bridge the gap between these two types of simulations, we

present a model which can be used to represent the radiative output of a star cluster.

This model was produced with the ultimate goal of being integrated into hydrody-

namical simulations of cluster formation in giant molecular clouds.

Star forming cores that form individual stars are observed to follow a mass distri-

bution (the so-called core mass function, CMF) that follows the IMF in structure, but

displaced upwards in mass by roughly a factor of 3 (Rathborne et al., 2009; Könyves

et al., 2010). So whatever the physical processes are in the gas that organize the

CMF, we know that the outcome will resemble the IMF. A suggested star formation

efficiency of around 30%,therefore, would give the distribution of star forming gas in

a cluster forming region.
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In our model therefore, we assume that the gas that accretes onto a cluster

forming region is organized in this way. As the accretion brings fresh gas into a

clump, more becomes available to be distributed amongst the star forming cores.

We model this by randomly sampling the available gas reservoir, drawing from an

overall distribution function that is the Chabrier IMF in order to decide the masses

of the most recently formed stars. The mass spectrum of the protocluster clearly

evolves with time, as gas is converted to stars from two gas sources - the initial gas

mass of a clump, and the accreted mass from the external GMC. The model tracks

the total cluster luminosity, number of ionizing photons, and the number and masses

of stars contained in the cluster. These parameters can then be passed to a radiative

transfer scheme to examine the effects of radiative feedback.

In section 3, we briefly highlight recent observations of embedded, star forming

regions. Section 4 describes our basic model for cluster formation and is followed

by results from a suite of simulations in section 5 which show that we are able to

accurately capture the properties of young clusters.

3.3 Embedded star clusters: observations

The earliest phases of star formation are deeply embedded in molecular gas and

therefore cannot be observed at optical wavelengths. However, molecular clouds are

significantly less opaque at infrared wavelengths which allows for detailed surveys of

embedded clusters with infrared telescopes such as Herschel. These studies indicate

that embedded star formation accounts for a large fraction of all star formation
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taking place in not only the Milky Way but other galaxies as well (de Grijs, 2010).

Overall, the formation of the embedded cluster phase lasts approximately 2-4 Myr

with the dissolution of the cluster through dynamical interactions and gas expulsion

occuring within 10 Myr (Lada, 2010).

Observational studies are also revealing the complexity of cluster forming envi-

ronments. Herschel observations in particular are highly filamentary (André et al.,

2011; Schneider et al., 2012). Filaments can arise from a variety of processes including

the passage of turbulent shocks in the ISM (Heitsch et al., 2001; Balsara et al., 2001;

Boldyrev et al., 2002; Pudritz & Kevlahan, 2012), gravitational collapse (Hartmann

& Burkert, 2007; Peters et al., 2012), and thermal instabilities (Vázquez-Semadeni

et al., 2000). The largest areas of star formation occur at the junction of two or

more filaments (Schneider et al., 2012). Growing clusters are fed by flow along the

filaments (Kirk et al., 2013) which could prolong star formation since radiation and

momentum feedback can be released into the lower density regions perpendicular to

the filaments.

There is a large range of observed, embedded cluster masses and we have created

our model with the goal of being able to reproduce this range. An example of a small

embedded cluster is the Serpens South star forming region. This is a young cluster

which currently contains approximately 90 young stellar objects (YSOs) which are

being actively fed by filamentary flows (Kirk et al., 2013). An intermediate mass

example is the well-studied Orion Nebula Cluster (ONC) which is the nearest site of

massive star formation. This is a young cluster (a few Myr old) with a present day

mass of ∼ 4800 M� (Hillenbrand & Hartmann, 1998) and about 2200 stars contained
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within a radius of 2pc from its centre (Pudritz, 2002). Unlike Serpens South, the

ONC is the host to massive star formation with roughly 5 stars having masses greater

than 16 M� which fall in the O star range (Hillenbrand, 1997). As mentioned earlier,

there is strong evidence for subclustering in the ONC (Megeath et al., 2012). An

extremely massive example would be R136 which is the core of a “super star cluster”

at the centre of the 30 Doradus complex. Hubble Space Telescope imaging has

revealed over 3500 stars in the centre of R136 with more than 120 of these stars

being blue and more luminous than Mv ∼ -4 (Massey & Hunter, 1998). This cluster

has stellar densities which are 100-300 times more dense than any other cluster in

the Milky Way or the LMC (Hunter et al., 1996) and contains several stars whose

masses exceed 100 M� (Massey & Hunter, 1998).

A high density clump of molecular gas is required to form an embedded star

cluster regardless of its mass. Observations of star-forming and star-less clumps

suggest that a number density of 104 cm−3 is required to start the star forming

process (Lada & Lada, 2003). The efficiency with which clouds are converted to

stars is still in dispute. Individual clouds in our Galaxy have a mean density of a

few times 102 cm−3 and have global star formation efficiencies ranging from 2% to

8% (Kennicutt & Evans, 2012). Embedded clusters have higher efficiencies between

10-30% (Lada & Lada, 2003). Hydrodynamical simulations indicate that the actual

star formation rate may need to be as high at 70% to have stable, bound clusters

(de Grijs, 2010).

An important quantity which can be compared to our work is the star formation

rate (SFR). The star formation rate in local clouds can span several orders of mag-
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nitude from 10−6 to 10−2 M� yr−1. The well studied Orion A cloud is found to have

a star formation rate of 7.15×10−4 M� yr−1 (Lada et al., 2010a). Recent studies of

the massive star forming region G29.960.02 indicate a current star formation rate

0.001-0.008 M� yr−1 (Beltran et al., 2013) which is also consistent with Galactic HII

regions (Chomiuk & Povich, 2011). The mass of G29.960.02, a star-forming region

in the Milky Way, is given as '8×104 M� (Beltran et al., 2013) which will be be

a useful comparison to our models. Our model will also be compared to the more

massive (≈ 3×105 M�) G305 star forming cloud, located roughly 4 kpc away in

the Scutum-Cruz arm of the Milky Way, with formation rates of 0.01-0.02 M� yr−1

(Faimali et al., 2012).

3.4 A basic model for cluster formation One of the most

important aspects of radiative feedback of a young forming cluster on its surrounding

host GMC is the shutting off of the accretion flow into the cluster forming region. To

examine the radiative feedback effects of clusters on their surroundings, the cluster

particles must be assigned the correct, combined radiative output of all its member

stars as star formation proceeds. Cluster formation begins in a clump that has

reached a critical density. Therefore, one input for a theory or subgrid model is how

massive the original gas reservoir was at the moment that stars begin to form. Star

formation proceeds as gas accretes onto this original dense region. Secondly, as its

mass increases, the gravitational attraction of more material from the surrounding

cloud will increase. The third step, ultimately, is the feedback from the cluster which

helps to shut off the accretion flow onto the cluster forming clump.
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Ṁ = 0 M⊙
tff

= 0 M⊙
yr
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Figure 3.1: Plots of the number of stars relative to the expected number versus sampling frequency
for clusters with different initial masses and different constant accretion rates. The initial masses
of the cluster are 100 (top left), 1000 (top right), and 10000 (bottom left) M�. The solid lines
represent stars less than 1 M� and dotted lines represent stars greater than 1 M�.
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Therefore, the modeling needs to address two questions. How should the original

gas reservoir be divided into stars? Second, how should the ongoing accreted gas be

divided? The most straightforward way to address the former question is to divide

the mass into stars at some prescribed efficiency according to an IMF. This ignores

the effect of prestellar evolution but has the advantage of producing a cluster with

the observed distribution of stellar masses. While including prestellar evolution into

the model may be more physically realistic, we argue that it is acceptable to place

the stars directly on the main sequence since our simulations will run much longer

than the prestellar evolution phase. Since higher mass stars evolve onto the main

sequence rapidly, and the high mass stars are the largest contributors in terms of

ionizing feedback, ignoring prestellar evolution is a justified approximation. Further

support comes from Klassen et al. (2012) who compared the effects of radiative

feedback from stars with prestellar evolution and those without it. The authors

found that there was not a significant difference between the two cases.

Since the cluster will be actively accreting gas until feedback effects stop the

inflow, any added mass has to be dealt with accordingly. This gas can either be added

to existing stars or used to form new stars. While there are theoretical arguments

for the accretion rate onto individual stars varying as M2 (Bondi, 1952; Krumholz

et al., 2006b; Throop & Bally, 2008) in the absence of turbulence, the fraction of gas

accreted by existing stars and the fraction of gas used to form new stars is unknown.

To avoid adding uncertain parameters into our model, we therefore assume that a

fraction of the available gas is only used to form new stars.
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Figure 3.2: A subset of our data showing the luminosity, number of ionizing photons, and the star
formation rate. Blue, red, and green lines represent accretion rates of 0, 2.8×10−3 and 2.8×10−2

M� yr−1, respectively. The columns, from left to right, represent initial clump masses of 100, 1000,
and 10000 M�.
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With this in mind, the concept of our model works as follows. A clump, assumed

to be at the threshold density for cluster formation, forms and its mass is specified

beforehand. From observational work, a number density of 104 cm−3 is typical of

a star forming clump (Lada & Lada, 2003). We therefore adopt this value as our

density threshold for the formation of a cluster particle. The mass of the clump is

initially divided into two categories; gas mass which will be used to form stars, and

the leftover gas which will hereafter be designated as the ’reservoir’. The gas used

for star formation is then distributed to main sequence stars via an IMF. Individual

stellar masses are recorded so that the total mass of the clump in stars is known at

any given time. If the random sampling of the IMF results in a star which has a mass

greater than the total mass available for star formation then sampling is stopped and

any remaining gas is added back to the reservoir. This process repeats by taking

a fraction of the reservoir mass and converting it to stars. Over a sufficiently long

time, all the mass in the cluster will be in the form of stars. Any mass accreted by

the clump, with an accretion rate specified by the user, is added to the reservoir.

It should be noted that accretion in this context refers to the replenishing of clump

mass rather than accretion onto individual protostars.

Our star forming clumps are allowed to grow in mass through accretion but no

mass loss is included. A physical motivation for our gas reservoir is required to

justify this assumption. We posit that the reservoir gas in our subgrid model is

in a dense enough state to remain bound over long timescales even in the presence

of stellar feedback. This has indeed been shown in simulations. Dale et al. (2005)

showed that the inclusion of radiative feedback into cluster formation simulations
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Figure 3.3: The total gas mass, the mass in stars, and the reservoir mass as a function of time for
an initial clump mass of 1000 M�. The panels from left to right represent models with an accretion
rate of 0, 2.8×10−3 M�yr−1, and 2.8×10−2 M�yr−1.

resulted in collimated ionized outflows which are released perpendicular to the dense

filaments from which they are forming. Even though these outflows accelerate a small

fraction of the gas to high velocities, this is not sufficient to unbind the bulk mass

of the clump. In the case of external ionizing radiation, as discussed in Dale et al.

(2007), no dense star forming cores are disrupted. There is also evidence for triggered

star formation in these simulations suggesting that even if the gas is disrupted due

to stellar feedback, it may still form stars in a separate region of the cloud. We

therefore assume our gas reservoir is in a clumpy and filamentary state, preventing

its disruption via stellar feedback, meaning it can still form stars.

To populate the cluster with stars, an IMF is randomly sampled with a Metropolis-

Hastings algorithm. This algorithm is an example of a Markov Chain Monte Carlo

method and works by generating a random walk and uses a specified probability dis-

tribution to either accept or reject the proposed move. More specifically, the accep-

tance ratio, α, is calculated which is the ratio of probabilities between the proposed
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move and the previously accepted move. The acceptance ratio is then interpreted as

the probability that the move is accepted (if α ≥ 1 it is accepted automatically). We

use the Chabrier IMF (Chabrier, 2005) as our input probability distribution which

is expressed as,

ξ(log m) =


0.093× exp{−(log m−log 0.2)2

2×(0.55)2
}, m ≤ 1 M�

0.041m−1.35±0.3, m > 1 M�.

(3.1)

Randomly sampling the IMF introduces stochastic effects into our model. The stars

are allowed to have masses between 0.01 and 100 M�. The lower limit is below

the brown dwarf limit but we are concerned with the effects of the radiation field

and brown dwarfs will not contribute significantly to the overall luminosity. The

luminosity of a star is based on its mass via the function found in Tout et al. (1996).

The star formation efficiency of 20% per freefall time is used in order to control

the rate of star formation (Lada & Lada, 2003). The freefall time is given by,

tff =

√
3π

32Gρ
(3.2)

which results in a value of 0.36 Myr assuming the density threshold of 104 cm−3

discussed earlier. It should be noted that our star formation efficiency only reflects

what is happening inside the cluster forming clump. The majority of the gas in a
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molecular cloud is at much lower density (on average about 100 particles per cm−3)

and may not end up in clusters meaning that the global star formation efficiency can

be much less than 20%. Since the IMF is not necessarily being sampled only once per

freefall (see below), the fraction of total gas that is converted to stars every timestep

is given by f = Mresεn/Mtot where Mres is the reservoir of gas inside the cluster

which has not been converted to stars, ε is the fraction of reservoir gas converted to

stars per freefall time, n is the number of times sampled in a freefall time, and Mtot

is the total mass of the clump and cluster. The mass of all stars formed is tracked

so that at any given time we know how much mass is tied up in stars and how much

gas is available for future star formation.

Recording the masses of all stars formed allows the ensemble properties of the

clusters to be determined. The total cluster luminosity is the sum of the inidividual

stellar luminosities which are determined through the analytic formulas provided

by Tout et al. (1996). These formulas provide the temperature and radius of main

sequence stars from their masses which is then used to calculate the stellar luminosity.

We also calculate the the ionizing photon rate, in s−1, from the cluster which is again

the sum of the individual stellar rates. The ionizing photon rate is found by directly

integrating a blackbody distribution.

How often the IMF is sampled for building new stars in a cluster forming clump

can have a significant impact on the cluster’s properties and evolution. If sampling

is done infrequently (ie. a small n) then a larger amount of gas available for star

formation will be converted to stars, but the luminosity will have large and discon-

tinuous jumps. On the other hand, if the IMF is sampled too frequently then the
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amount of gas that is being converted to stars each timestep will be small meaning

that high mass stars cannot be formed. This would lead to a bias towards low mass

stars. It is therefore necessary to find the smallest value of n which still reproduces

the IMF.

To examine the effect of changing the IMF sampling rate, multiple models were

run over one freefall time with varying initial clump masses and accretion rates.

We stress that the accretion rates are constant over time and were chosen to be

representative of the actual accretion rates onto clusters. In a real cluster forming

environment, the resulting radiation field would eventually act to reduce the accretion

rate by feedback. This step is handled in our full simulations of feedback onto the

surrounding GMC gas. The results are shown in Figure 3.1. The plots show the

number of low mass stars (< 1 M�) and high mass stars (> 1 M�) as a function of

the sampling rate. The number of stars is shown relative to their expected numbers.

The expected number of stars is found by directly integrating the Chabrier IMF for

a cluster which contains the same mass in stars. It can be seen that the number of

stars deviates from the expected numbers at high sampling frequencies in all cases.

The divergence point, however, does not occur at the same place and increases in

sampling frequency with increasing mass. This is easily understood in terms of the

available mass used to form stars at the time of sampling. As the sampling rate

increases, the amount of gas being converted to stars decreases.

It can be seen from the figure that there is a large amount of scatter in the 100 M�

case. This is due to the smaller number of total stars formed in this case. Therefore,
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Figure 3.4: The resulting mass function for models with no accretion (left) and an accretion rate of
2.8×10−2 M� yr−1 (right) for initial clump masses of 100 (top), 1000 (middle), and 10000 (bottom)
M�. The red circles represent the normalized Chabrier IMF.
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Figure 3.5: The resulting mass function for models with the same final clump mass but have either
accreted all the mass (left) or had no accretion and the mass was present initially (right). From
top to bottom, the final clump masses are 500, 5000, and 50000 M�. The red circles represent the
normalized Chabrier IMF.

the formation of a single high mass star has a larger impact in comparison to the

higher clump mass cases.

Based on Figure 3.1, we have chosen to sample the IMF 10 times per freefall time

which corresponds to approximately 36 kyrs. This sampling rate still reproduces the

number of high and low mass stars for all mass ranges. As shown in the next section,

this sampling rate also reproduces the correct number of O stars which are the most

important stellar population with respect to ionizing feedback. It should be noted
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that the chosen sampling time is less than the time it takes for a massive star to

form and reach the main sequence. If the sampling frequency was greater than this

time then the ionizing luminosity of the cluster would be underestimated between

samplings.

In the following section, we present the result of a suite of models that were run

with different initial cluster masses and different accretion rates.

3.5 Results

To examine the longterm behaviour of our model, we ran multiple simulations for

various initial clump masses and accretion rates. All models were run for 5 freefall

times or '1.8 Myr. The initial clump masses ranged between 0 and 105 M�. At 0

M�, the evolution is tied only to the mass that it accretes. The high initial clump

mass of 105 M� was chosen to be representative of a protoglobular cluster.

The accretion rate into the clump was chosen to be constant and had values

ranging from 0 M�t−1
ff to 105 M� t−1

ff (or ≈ 2.8×10−1 M� yr−1). These rates were

chosen to be representative of realistic cluster accretion rates. Observational studies

have shown that high mass protostars have accretion rates up to 10−4-10−3 M� yr−1

(Fuller et al., 2005; Beltran et al., 2006). Therefore, our highest accretion rate roughly

corresponds to a cluster which is forming multiple large mass stars. It should be noted

that a cluster will not have a constant accretion rate especially over 5 freefall times.

However, a constant accretion rate is the easiest to implement and can still provide

information on how physical properties of our clusters vary depending on accretion
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rate. When this model is used in hydrodynamical simulations, the accretion will be

determined by the environment surrounding the cluster and not put in manually as

is done here.

To ensure that our model is behaving as expected, we chose a subset of our data

and plotted (see Figure 3.2) the luminosity, number of ionizing photons, and the

star formation rate (SFR). These quantities were chosen as useful comparisons to

observational data. The initial clump masses in Figure 3.2 are 100, 1000, and 10000

M� from left to right. The accretion rates shown in blue, red, and green are 0,

2.8×10−3 M� yr−1, and 2.8×10−2 M� yr−1, respectively.

The initial masses and accretion rates were chosen to represent a wide range of

clusters. The final clump masses cover a range from 100 M� to 60000 M�, the range

of luminosities is 10 L� to 107 L�, and ionizing fluxes ranging from 1040 to 1051 s−1.

The SFRs at low cluster masses show significant variability which can be attributed

to the stochastic sampling of the IMF. The discontinuous lines in the SFR plots

indicate that no star formation has occured during those timesteps.

There are two general trends to note in Figure 2. The first is that a higher

accretion rate results in higher values for all three quantities plotted, as expected.

Second is that as the initial clump mass increases the final luminosity and number

of ionizing photons begin to converge. This is due to the large initial gas reservoir

available which outweighs the effect of the smaller accreted mass.

Since our model will be used to represent the radiative feedback of clusters, it is

important to verify that the expected number of ionizing photons are being produced.
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Figure 3.6: The total number of stars, the number of O stars, and the final luminosity of runs with
varying accretion rates and initial clump masses. The points represent the average of all runs and
the error bars represent one standard deviation.
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The number of ionizing photons (Ephot > 13.6 eV) for clusters has been calculated

in previous population synthesis models which include the effects of stellar evolution

and metallicity (Smith et al., 2002; Sternberg et al., 2003). Our model reproduces

their cited values to within an order of magnitude for similarly sized clusters. For

example, an impulsive burst of star formation with a total mass of 105 M� and an

upper IMF limit of 120 M� results in an ionizing photon rate of ∼8×1051 s−1 in

Sternberg et al. (2003). The large jumps in the number of ionizing photons can be

traced back to the emergence of individual massive stars. For example, the steep

rise in the model with an initial mass of 1000 M� and no accretion (blue line in

centre panel of Figure 3.2) is due to the formation of a 11.2 M� star. It should be

noted that our model does not include stellar deaths so the luminosity and number

of ionizing photons can only increase with time.

The star formation rates shown in Figure 3.2 span a few orders of magnitude from

10−5 to 10−2 M� yr−1. Recent studies of the massive star forming region G29.960.02

(≈ 8×104 M�) indicate a current star formation rate 0.001-0.008 M� yr−1 (Beltran

et al., 2013). This roughly corresponds to our model with an initial mass of 10000 M�

and an accretion rate of 10000 M� yr−1 (green line in bottom right panel) which has

a final mass of 60000 M� after 5 freefall times. The star formation rate for this case

ranges from 0.005-0.02 M� yr−1 and therefore agrees with the observation initially.

Our model also agrees with the more massive (≈ 3×105 M�) G305 star forming

cloud with formation rates of 0.01-0.02 M� yr−1 (Faimali et al., 2012). The RCrA

star forming cloud is an example of a smaller region which has a mass of roughly

1100 M� and has a SFR of 2.5×10−5 M� yr−1 (Lada, 2010). Our model with an
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initial mass of 1000 M� and no accretion (blue curve in middle, bottom panel) shows

a SFR which is higher by an order of magnitude. It should be noted that there is a

wide range in SFRs between clouds with similar mass and since our model does not

include accretion onto forming protostars, we provide an upper limit to the SFR.

The evolution of the star formation rate with time shows two recurring trends:

those with an increasing SFR, and those with a decreasing SFR. The difference

between the two trends is due to the amount of gas in the reservoir. The cases

showing a decreasing SFR have total accreted mass which is less than the initial

clump mass and is therefore reservoir dominated. This leads to a decreasing reservoir

mass. Conversely, all cases which have an increasing SFR are accretion dominated.

This leads to a build up of the reservoir mass and the corresponding increase in the

SFR. As an example, consider the middle panel in Figure 3.2 showing the SFR. This

panel represents an initial clump mass of 1000 M�. The case with zero accretion

shows a decreasing SFR while the cases with Ṁ = 1000 and 10000 M� t−1
ff have an

increasing SFR.

Figure 3.3 shows how the total mass of the star forming region, the mass in stars,

and the reservoir mass evolve with time. It can be seen that the SFR has qualitatively

similar behaviour to the reservoir mass which confirms that the interplay between

accretion and initial clump mass plays an important role in determining the cluster’s

properties.

The mass functions plotted in Figure 3.4 show that the powerlaw tail extends to

higher masses when starting with a higher mass clump and no accretion. While the
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probability of forming a massive star is the same between cases, the extra condition

that there must be enough available mass to form massive stars is responsible for the

broadening of the mass function. The cases with an accretion rate of 2.8×10−2 M�

yr−1 do not show this behaviour. This is because all models have accreted the same

amount of gas and therefore show a similar mass function. Since this accretion rate

is typical of actual clusters, this suggests that accretion into a clump may be partly

responsible for the universality of the IMF since it provides enough mass to have a

fully sampled IMF.

It is important to note that even though we are using the Chabrier IMF as

a probability density function in this work, the resulting mass function will not

necessarily be identical to the IMF. The imposed condition that there must be enough

mass available during each sampling to form the randomly selected stars means that

only the higher mass clumps can form massive stars. In the case of lower mass

clumps, massive stars cannot form so the high mass tail of the mass function is

truncated at a value less than the maximum stellar mass of 100 M�. The stars that

do form, however, will follow the Chabrier IMF but the distribution will not entirely

cover the allowed range of stellar masses.

While Figure 3.4 shows that a large clump accretion rate results in a similar IMF

independent of initial clump mass, it is difficult to draw further conclusions since all

clumps shown have a different final mass. Therefore, we have plotted the resulting

IMF of models which have the same final clump mass but either got their mass solely

through accretion (left) or solely as the initial mass of the clump (right) in Figure 3.5.
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These represent the extremes of the accretion dominated and the reservoir dominated

regimes.

The main difference between the two regimes is the extent of the high mass end

of the IMF. The cases where all the mass was present in the initial clump forms

more high mass stars. Conversely, cases where the majority of the clump mass is

accreted have fewer high mass stars. We are only showing a representative case in

Figure 3.5 but this trend holds in general. This result highlights the importance of

how a clump or cluster gets its mass since we have shown that the resulting IMF can

vary depending on whether accretion is present. The difference can be attributed to

the total mass in stars present at the end of the simulation. Reservoir dominated

cases are found to have significantly higher masses in stars than accretion dominated

cases. As an example, take the case with a total mass of 5×104 M�. The case with

accretion has ∼19,000 M� in stars compared to ∼32000 M� for the case without

accretion even though both clumps have the same total mass. This also translates

to a lower SFR and a higher star formation timescale in accretion dominated cases.

Radiative feedback may therefore play less of a role early on in the star formation

process for low mass clumps which are actively accreting gas.

It is important to note that the differences between the reservoir dominated and

accretion dominated regimes decrease with increasing clump mass. This is because

there is enough gas present to have a fully sampled IMF regardless of how the mass

was obtained (shown in the bottom panel of Figure 3.5).
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Figure 3.7: A reference figure showing the final clump masses for the models run in Figure 3.6
with the same colour coding. The dotted black line shows separates the accretion and reservoir
dominated regimes.

58



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

The analysis presented above is based on single model runs. Since there is a

stochastic component related to the sampling of the IMF, it is useful to quantify

how results vary between runs with identical input parameters.

In Figure 3.6, we plot the total number of stars formed, the number of O stars

formed, the resulting luminosity, the total mass in stars, and the SFR for models

with varying initial clump masses and accretion rates. The code was allowed to run

for 5 freefall times as above. Models with accretion rates between 0 and 2.8×10−2

M�yr−1 were run 100 times each and the highest accretion rate of 2.8×10−1 M�yr−1

was run 10 times. The average values and corresponding standard deviations are

plotted in Figure 3.6. It can be seen that our model covers a wide range of cluster

types, ranging from small clusters with less than 100 stars to the globular cluster

regime. There is variation between runs with identical input parameters but the

results are typically consistent to within a factor of 3. It can be seen from these

plots that all three quantities increase with accretion rate as expected. There is also

a flat region that occurs at low initial clump masses for all quantities. The size of

the flat region, however, increases with increasing accretion rate.

Again, this can be understood in terms of the relative importance of initial clump

mass and the accretion rate. The accretion dominated cases show little variation in

the quantities. This is because the initial mass is a small fraction of the final mass so

its effect is ‘washed out’. Only when the accreted mass becomes significantly smaller

than the initial clump mass do the quantities begin to vary. Take, for example, the

case with an accretion rate of 2.8×10−3 M� yr−1. The total accreted mass after 5

freefall times is 5000 M�. All quantities remain constant for cases where the initial
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mass is ≤ 1000 M�. There is an increase in all quantities when the initial clump mass

is 104 M�, confirming that the interplay between initial clump mass and accreted

mass is important in determining the cluster’s properties.

To make the distinction between accretion and reservoir dominated regimes more

clear, we have plotted the final clump mass versus the initial clump mass in Figure

3.7. This allows one to determine the properties given in Figure 3.6 for a region with

a desired final mass. The dotted black line roughly shows the transition between

the accretion dominated and reservoir dominated regimes. Figure 3.7 is qualitatively

similar to the plots shown in Figure 3.6 suggesting that these quantities scale directly

with the clump mass.

We have also examined how the SFR scales with clump mass. The SFR is chosen

because it has been measured in a variety of star forming environments over scales

ranging from individual clumps to entire GMCs. Rather than plotting the final clump

mass, however, we have chosen to plot the instantaneous SFR versus the clump mass

at 0.5, 1, 1.5, 2, 3, and 4 freefall times to give snapshots of the evolution at several

stages. The results for all accretion rates are shown in Figure 3.8. As in Figure

3.6, the error bars are the resulting standard deviations from 100 runs with identical

input parameters. The distribution was fit with a powerlaw given by,

SFR = const ·Mα (3.3)

and the resulting index values shown in Figure 3.8 fall in the range
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Figure 3.8: The instananeous SFR as a function of total clump mass at 2 freefall times. Error bars
represent the resulting standard deviations from 100 identical runs. The α parameters shown in the
plots are the resulting indexes from powerlaw fits to the data. The error on α, obtained through
the fitting, is also shown.
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α = 0.97− 1.16. (3.4)

There are several studies which show that the observed SFR is linearly related

to the dense gas mass. Within our own galaxy, Wu et al. (2005) examined the

far infrared (FIR) luminosity versus the HCN luminosity in nearby clouds. HCN

requires dense gas (n ≥ 104 cm−3) in order to be visible, and the FIR luminosity

traces star formation. The authors found that there is a linear relation between the

two quantities. This relation has also been found in normal spiral and starburst

galaxies by Gao & Solomon (2004). These results are also supported by Lada et al.

(2010b) who found that the number of YSOs is linearly related to the gas mass

above a given density threshold. The data suggests that our model can reproduce

the behaviour of clumps and clusters with a wide range of physical characteristics.

Figure 3.8 is also showing that the index α increases slowly with time, most

likely due to the accelerating SFR in accretion dominated cases and the decreasing

SFR in reservoir dominated cases. The very low mass clumps are certainly reservoir

dominated, and therefore have decreasing SFR with time, while the highest mass

clumps are accretion dominated. The increasing SFR on the high mass end together

with the decreasing SFR on the low mass end result in a steepening of the slope.

The assumption that we convert a fixed amount of gas to stars, 20% of the

available reservoir gas per freefall time, would suggest that a linear relationship

between the SFR and clump mass is a direct underlying result of our model. There are

reasons, however, why the linear dependence is unexpected and therefore significant.
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Since we are converting 20% of the available reservoir gas rather than 20% of the

total cluster mass (reservoir gas plus stars), the SFR is sensistive to the accretion

history of the cluster. This is most easily understood in terms of clusters that

have identical masses but are either in the extreme accretion dominated or reservoir

dominated regime. In the accretion dominated regime, the amount of gas in the

reservoir is increasing and, as shown earlier, so is the SFR. The opposite is true for

the reservoir dominated regime. Therefore, two clusters with identical masses can

have different amounts of reservoir gas which translates to different SFRs. This could

lead to a non-linearity in the SFR vs clump mass plots. The condition that, in a

given timestep, there must be enough available gas to form the randomly selected

star can also lead to non-linearities escpecially in the case of low mass clumps. It

can be seen that there is a slight depature from the linear behaviour of the plots

seen in Figure 3.8 at the low mass end. These points are consistently below the line,

likely due to the lack of massive star formation. Since these low mass clumps are

not converting a significant amount of gas to stars each timestep, a large fraction of

randomly selected stars cannot form. This provides a useful prediction for the SFR

in small mass clumps; namely, there should be a departure from a linear dependence

at low clump masses.

As a further comparison to observed star-forming clumps, in Figure 3.9 we have

plotted the SFR versus clump mass at 2 freefall times and overplotted the observed

SFRs inferred by Lada et al. (2010a) for nearby star-forming complexes. We have

only shown our data at 2 tff because the same general trend holds for the SFR at

any time. We find that our data is consistently higher than the observed SFRs for
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Figure 3.9: The SFR versus clump mass for this work, shown in blue, and observations presented
in Lada et al. (2010a), shown in black. The observed SFRs are systematically lower compared to
our model.
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all points and do not agree within error. Our data does agree with the measured

values to within an order magnitude. We have attributed the difference in SFRs to

the lack of feedback included in our subgrid model. We have shown previously that

the accretion history of a clump can have a significant impact its SFR and feedback,

especially radiative feedback, can greatly alter the accretion (Dale et al., 2007; Peters

et al., 2010; Bate, 2012; Dale et al., 2012; Klassen et al., 2012; Kim et al., 2012).

On smaller scales, the inclusion of radiative feedback suppresses fragmentation by

increasing the temperature locally. On larger scales, ionizing radiation can clear gas

from the clump by driving large scale outflows. These mechanisms tend to decrease

the accretion rate and the SFR. When our model is included in full hydrodynamical

simulations which include radiative feedback, the accretion will be determined self-

consistently rather than specified beforehand. The full simulations should therefore

show better agreement with the measurements by Lada et al. (2010a).

The characteristic timescale τSFR for star formation is by definition τSFR =

M/(SFR) ∼ M1−α. The actual model numbers from the different panels in Fig. 8

fall in the range ' 3 Myr within factors of two. Since 3tff ∼ 1 Myr in our sim-

ulations, our results should provide in principle provide a useful prediction for the

expected age range within a young, relatively massive star cluster: they should take

only a few Myr to build. Direct observational comparisons with such objects nearby

are made more difficult by the inevitable presence of dust and differential extinc-

tion within actively star-forming clusters, but an age range at the 3-Myr level seems

comfortably realistic. One example is the massive (> 2× 104M�) cluster R136 in 30

Doradus, for which a recent study (Andersen et al., 2009) finds a mean age of 3 Myr
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and an internal age spread of nearly the same amount (Massey & Hunter, 1998). A

very similar set of conclusions has been suggested for the massive young cluster at

the centre of NGC 3603 (Melena et al., 2008; Pang et al., 2013), in which an age

range of a few Myr may show up for the lower-mass stars particularly.

One of the most important properties of a cluster in terms of its radiative feedback

is the number of O stars that are formed. In this work, an O star is defined to be

any star whose mass exceeds 16 M�. Since a single O star can have a luminosity

greater than 105 L� (Carroll & Ostlie, 1996) and have most of its energy output in

the form of UV photons, under or over-producing O stars can significantly alter how

the cluster interacts with its surroundings. It is therefore important to verify that

our model is reproducing the expected number of O stars. Directly integrating the

IMF results in approximately 0.28 % of the stars formed having masses greater than

16 M�. In Figure 3.10, we have plotted the percentage of stars which are O stars.

As in Figure 3.6, the points represent the average value and the error bars are one

standard deviation. It can be seen from this figure that the highest mass cases agree

with the expected value.

Figure 3.10 shows that the lowest mass model which produces O stars has a

final clump mass of 5000 M� which gives a rough threshold for the emergence of

massive stars. Interestingly, the present day mass of the ONC is roughly 4800 M�

(Hillenbrand & Hartmann, 1998) and also contains a small number of massive stars

(∼ 5 stars greater than 16 M� from Hillenbrand (1997)) suggesting that our model

is behaving as expected. The model with an accretion rate of 1000 M�t−1
ff seems to

be underproducing O stars in the cases of low initial clump mass compared to what
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Figure 3.10: The percentage of O stars formed from the models shown in Figure 3.6. As discussed
in the text, the expected percentage of O star from directly integrating the IMF is 0.28%. The
points represent the average of all runs and the error bars represent one standard deviation. The
colour coding is the same as in Figure 3.6.
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is expected directly from the IMF. Work by Williams & McKee (1997) suggests that

roughly 50% of clouds with a mass of 105 M� should form at least one O star which

is consistent with our results. This, together with the number of ionizing photons

from Figure 3.2, suggests that our model is working as expected.

There are a few caveats to our model. The expected percentage of O stars men-

tioned earlier assumes that the IMF is fully sampled which may not be the case if

there is insufficient mass to form massive stars. Also, the clumps in our model are

still actively accreting gas after 5 freefall times so star formation is still ongoing and

massive stars still have a probability of forming. This can be seen in Figure 3.3 from

the large reservoir masses and in Figure 3.2 from the non zero SFRs at the end of

the simulation. The imposed condition of constant accretion onto the clump is also

artificial. The actual accretion rate could be higher as suggested in Murray & Chang

(2012). A higher accretion rate would lead to a building up of the reservoir mass

leading to a higher chance of forming an O star.

3.6 Summary and Conclusions

We have presented a model with the aim of being used in hydrodynamical simu-

lations to represent the radiative output of an entire star cluster. The model starts

with a clump of a specified mass and forms main sequence stars by sampling the

Chabrier IMF. Every tenth of a freefall time, or 3.6×104 years assuming a density

threshold of 104 cm−3 for cluster formation, a fraction of the remaining gas inside the
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cluster is converted to stars. We have shown that sampling every tenth of a freefall

time reproduces the correct number of high and low mass stars.

To test our model, we ran multiple simulations by varying the initial clump size

and accretion rate. We have shown the following:

• The model we have presented is a straightforward way to determine the radia-

tive output of clusters ranging in size from small subclusters of ∼10 M� to the

globular cluster regime (∼ 5×105 M�) with varying accretion rates.

• How a clump gets its mass has an impact on its properties. There are two dif-

ferent regimes we have identified; ’accretion’ dominated, and ’reservoir’ domi-

nated. The accretion dominated regime is characterized by an increasing SFR

and a less sampled IMF due to the smaller number of stars formed. The

reservoir dominated regime has all mass present in an initial clump and is

characterized by a descreasing SFR and a more fully sampled IMF. Differences

between the two regimes disappear with a sufficiently large clump mass.

• We have shown that typical clump accretion rate can produce a fully sampled

IMF regardless of the initial clump mass at the onset of star formation.

• Our model reproduces the number of ionizing photons released from a cluster

from previous, more detailed simulations. For a clump size on the order of 104

M� the resulting ionizing photon rate is between 1050−51 s−1. For high mass

clusters, this is expected because the IMF is fully sampled.

69



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

• Our model can reproduce the range in SFRs observed in nearby molecular

clouds (10−5-10−2 M� yr−1) and reproduces the observed SFR for similarly

sized star forming regions. We find that small (∼ 100 M�) clusters have SFRs

of 10−4-10−5 M� yr−1 while larger clusters (> 104 M�) can exceed 10−2 M�

yr−1. Lower mass clusters also exhibit more variablility in their SFRs than

higher mass clusters.

• The SFR is nearly proportional to clump mass at all times ≤ 4 tff . This agrees

with multiple observations of star forming clump on both large and small scales

(Gao & Solomon, 2004; Wu et al., 2005; Lada et al., 2010b,a).

• We find a timescale for star formation of roughly 3 Myrs which provides a

useful prediction for the expected age range within a young, relatively massive

star cluster. This timescale is consistent with observations of R136 (Andersen

et al., 2009).

• High mass clusters (> 104 M�) produce the correct number of O stars expected

from the IMF. We have identified a final clump mass threshold for O star

formation of ∼5000 M� which consistent with observations of 5 stars with

masses greater than 16 M� in the ONC (Hillenbrand, 1997) which has a present

day mass of ∼4800 M�.

This paper will followed by results of cluster formation simulations using the

AMR code FLASH.

70



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

Chapter 4

Numerical Methods

The subgrid model introduced in the previous chapter was included into the code

FLASH in order to run full hydrodynamical simulations with radiative transfer. The

first part of the current chapter is dedicated to outlining several aspects of the FLASH

code. This includes an introduction to adaptive-mesh refinement, sink particles, and

the hybrid characteristics raytracing method used to treat radiative transfer. The

second part of this chapter outlines the modifications made to the FLASH code to

include the subgrid model for cluster formation.

4.1 FLASH Code

The FLASH code is a modular, adaptive-mesh, simulation code designed to han-

dle general compressible flow problems found in a wide range of astrophysical envi-

ronments (Fryxell et al., 2000). It solves the hydrodynamics equations on an adaptive

Eulerian mesh and is designed to run in parallel using the Message-Passing Interface

(MPI) library. Adaptive mesh refinement, or AMR, (Berger & Colella, 1989) is a
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technique used to greatly increase the computational speed and memory efficiency of

grid based codes. It works by selectively increasing the resolution in regions where

it is needed, such as areas of high density, while leaving less dynamically important

regions at a lower resolution.

As mentioned above, FLASH can be used to model a wide range of astrophysical

situations on small and large scales. Some examples of its uses so far are model-

ing protostellar disks (Banerjee et al., 2004; Seifried et al., 2013), protostellar jets

(Banerjee & Pudritz, 2006, 2007), collapse of turbulent molecular clouds (Federrath

et al., 2010), ambipolar diffusion in star formation (Duffin & Pudritz, 2008), super-

nova events (Dubey et al., 2008), and the large-scale evolution of galaxy clusters

(Ricker et al., 2001).

There are several modules available in the 2.5 version of the code that are used

in this work. These include hydrodynamical and gravity solvers, heating and cooling

due to dust and molecules, a radiative transfer routine developed by Peters et al.

(2010), and Lagrangian sinks particles developed by Federrath et al. (2010) and used

extensively in Dr. Pudritz’s research group.

4.2 Sink (and Cluster) Particles

Simulations of star formation in molecular clouds must be able to follow the evolu-

tion of both the diffuse component of the ISM, and the runaway collapse of overdense

regions which eventually form stars. This large density range leads to a fundamental

numerical issue related to the Truelove criterion which states that the Jeans length
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of a collapsing region must be resolved by at least 4 grid cells to avoid spurious

numerical fragmentation (Truelove et al., 1997; Bate & Burkert, 1997). However,

the Jeans length scales as λJ ∝ ρ−1/2 meaning that more resolution is required as

the collapsing region gets more dense in order to satisfy the Truelove criterion. The

resolution cannot be increased indefinitely since there is both a maximum resolution

and memory limits so an alternative approach is needed.

This issue is compounded with a decreasing timestep as the density increases.

FLASH does not have adaptive timestepping (i.e. different timesteps for different

regions of the grid) so the global timestep is determined by the region of the com-

putational volume with the shortest dynamical time. As with the Jeans length, the

dynamical time, or free-fall time, scales as tff ∝ ρ1/2 meaning that a single dense

and collapsing region can cause the simulation to grind to halt.

The solution to this issue is the use of sink particles. These are a computational

tool which replaces an area of high density gas that meets a certain set of criteria with

a particle of equal mass. The particle is Lagrangian, meaning it moves independent

of the grid, and can still interact gravitationally with its surroundings while accreting

gas. The sink particle prescription we use was developed by Federrath et al. (2010)

and contains the following checks before creating a particle;

• Above a certain density threshold,

• Must be on the highest level of refinement,

• The gas is converging in three dimensions,
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• There is a central gravitational minimum,

• The region is Jeans-unstable,

• Gravitationally bound,

• Not within the accretion radius of another particle

These checks ensure that spurious particle formation does not occur during transient

events such as shocks which has been an issue in previous implementations (Feder-

rath et al., 2010).

To adapt the sink particles to be used as cluster particles, several particle prop-

erties had to be added for this work. The added properties are;

1. Total mass of stars inside cluster particle

2. Number of stars inside the cluster particle

3. Total output luminosity

4. Non-ionizing luminosity

5. Time of last IMF sampling (used to determine when to form new stars).

4.3 Radiative transfer methods

The implementation of a radiative transfer routine into star formation simulations

is vital. As discussed earlier, the radiative output of stars and clusters is responsible

for heating and ionizing the surrounding gas which is responsible for suppressing

74



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

fragmentation, stopping accretion onto forming stars, and dispersing the remaining

gas. Radiative transfer routines have been implemented by several authors in studies

of star formation (Whitehouse et al., 2005; Commerçon et al., 2010; Bate, 2012;

Seifried et al., 2013) and follow one of two main approaches. Each of these approaches

operate within a limited region of opacity and are not solutions to the complete

radiative transfer problem.

The first main approach to treating radiative transfer is flux-limited diffusion

(FLD). This approach assumes the radiation field can be well approximated by the

mean radiation intensity (Minerbo, 1978; Levermore & Pomraning, 1981),

Jν(r) =
1

4π

∫
Ω

Iν(r,Ω)dΩ, (4.1)

which reduces the dimensionality of the problem from 6 to 4. The radiation is tightly

coupled with the matter and diffuses like a fluid through the gas. This assumption,

however, is only valid in regions of high optical depth and breaks down in transition

regions such as the atmospheres of protoplanetary disks (Nordlund, 2011). FLD also

is only concerned with the space angle dependence of the radiation field since the

frequency dependence greatly increases the numerical complexity.

The second main approach, and the one used in the work, is called raytrac-

ing. This method works by casting ’virtual’ rays from the source to all cells in the

computational domain in order to calculate the amount of energy, corrected for the

obscuration of the intervening material, deposited in each cell. This technique is not

as accurate as FLD in high optical depth regions but has the advantage of casting
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shadows and is easily expandable to multifrequency treatments of radiative transfer.

Raytracing schemes are simplified by ignoring any scattering events or reemission

events after energy is absorbed. This means that the intensity due to a source can

be expressed simply as,

I(r) = Is(0)e−τ(r−rs) (4.2)

where Is(0) is the intensity of the source and τ is the optical depth between the

source and the region of interest. The total intensity at a point is then just a sum

over all emitting sources.

There are two main implementations of raytracing in hydrodynamical simula-

tions. The first is the “long characteristics” method in which a ray is drawn from

the source cell to each cell in the computational domain. This approach is benefi-

cial because it is accurate and easily parallelizable but is computationally expensive

because many rays pass through the through the cells closest to the source. This re-

sults in redundant calculations of column density. The contrasting approach is called

“short characteristics” and works by drawing rays along cell edges starting from the

source cell. To get the total column density between the target and source cell, the

column density of each ray is added together. Because of this, the short character-

istics method cannot be parallelized since the column density calculation has to be

done in a specific order and the contributions from all cells between the target and

the source must be known beforehand. See Figure 4.1 for a visual representation of

the short and long characteristics methods.

76



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

Figure 4.1: A comparison between long characteristics (left) and short characteristics (right) ray-
tracing from Rijkhorst et al. (2006). In the long characteristics method, a ray is drawn from the
source to all cells resulting in redundant calculations shown by multiple rays passing through the
same cells. The short characteristics method avoids this redundancy but is inherently serial.

It should be noted that there are more complete methods available to study the

complete radiative transfer problem. The first of these is through Monte Carlo codes

which use probabilistic methods to simulate the random walk of a photon through a

medium. This is a computationally expensive method, however, because it requires

the passage of a large number of photons for the results to converge. This makes the

method inapplicable to large computational volumes with many sources. A recent

advance is the hybridization of raytracing and FLD method by Kuiper et al. (2012).

A raytracing scheme is used initially to deposit energy into cells which then diffuses

throughout the surrounding gas via FLD. This promising method is being generalized

for turbulent star formation (Klassen & Pudritz, in prep.).
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4.3.1 Radiative transfer in FLASH

The raytracing approach used in FLASH, developed by Rijkhorst et al. (2006),

is a hybridization of the above two approaches and is appropriately deemed “hybrid

characteristics”. It avoids redundant calculations while still being parallelizable.

The FLASH computational domain is divided into “blocks” which contain 8x8x8

cells with guard cells surrounding the blocks. The guard cells are used to calculate

derivatives of quantities around block boundaries and also surround the entire com-

putational volume. The fluid properties in the guard cells are either determined by

neighbouring blocks or a user-specified external boundary condition. The code is

parallelized by distributing the blocks to separate processors. The long characeris-

tics method is then used to calculate radiative transfer within an individual block

while the short characteristics method is used for rays which cross between blocks.

Using long characteristic raytracing within blocks significantly reduces the number

of redundant calculations. The column density is also calculated independently in

each block meaning that the total column density between the source and the target

cell can be easily found by summing the contributions from intervening blocks. For

a more detailed description of the hybrid characteristics code, see Rijkhorst et al.

(2006).

4.4 Heating and Ionization in FLASH

The raytracing routine described above is coupled with a package (the DORIC

package) which handles heating, cooling, and ionization in the gas. The total amount
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of ionization is found by balancing the ionization rates due to photoionization and

collisional ionization with the electron recombination rate. The number of ionizations

per second due to photoionization is given by (Osterbrock, 1989),

Ap =

∫ ∞
ν0

4πJν
hν

a0dν (4.3)

where ν0 is the threshold energy for hydrogen ionization (13.6 eV), α0 is the ionization

cross-section of hydrogen, and Jν is the mean intensity of radiation. It should be

noted that a ’grey atmosphere’ approximation is used to represent the ionization

cross-section, meaning that it does not have any frequency dependence. The mean

intensity of the radiation is given by,

Jν(r) =

(
R

|r|

)2
2π

2c2

hν3

exp( hν
kT
− 1)

exp(−τ(r)) (4.4)

where R, T , and τ(r) are the source’s radius, the source’s temperature, and the opti-

cal depth a distance r from the source, respectively. In the case of stellar sources, the

radius and temperature are found by assuming blackbody sources with temperatures

equal to the effective temperature and the surface of the star.

The contribution to the ionization rate due to collisions is given by,

Ac = Ac(HI)ne
√
T exp(−I(HI)/kT ) (4.5)
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where I(HI) is the hydrogen ionization potential (Cox, 1970) and Ac(HI) is a con-

stant.

Electron recombination is given by,

αR = αR(104K)

(
T

104

)−0.7

(4.6)

where αR(104K) = 2.59× 10−13 cm3s−1.

There are two ways to heat the gas; heating due to photoionization, and heating

due to non ionizing radiation. The heating rate due to photoionization is given by

Γp = n(HII)

∫ ∞
ν0

4πJν
hν

a0h(ν − ν0)dν (4.7)

where n(HII) is the number density of ionized hydrogen. The heating due to non-

ionizing radiation is simply the luminosity of the source modulated by the intervening

column density.

The gas is also cooled via cooling curves taken from Dalgarno & McCray (1972)

which assume solar metallicity.

4.5 Adding cluster particles to raytracing

4.5.1 Populating the cluster with stars After a sink particle forms, it needs to

be populated with constituent stars. The model we are using to populate the cluster
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has been described in detail in the previous chapter but a brief discussion about

how this has been implemented in FLASH is required. All changes have been made

directly to the raytracing routine to keep the code localized. Each sink particle has

a corresponding array which records the masses of all stars that have formed within

it and the time at which they formed. This allows the stellar mass function of each

cluster to be tracked over time.

Before raytracing takes place, the time since the last sampling is determined for

each particle. If this time is less than a tenth of a freefall time (see Chapter 3) then

no sampling takes place and the particle properties are not updated. If it has been

longer than a tenth of a freefall time since the last sampling, then new stars are

formed via the model described earlier. The masses of the new stars formed are then

recorded and passed to the routines handling ionization and heating of the gas. The

sampling is done on a single processor only, The added particle properties, given in

section 4.2, are then updated accordingly.

It is important to note that the sampling is d largeone on a single processor only

due to the stochastic nature of the model. If this was not the case then the stellar

mass functions in a sink particle would not agree between processors. The sampling

of the IMF is therefore done on a single processor and the results are communicated

between processors afterwards.

There is a significant difference between sink particles and cluster particles that

needs to be mentioned. As described in Chapter 2, cluster merging events are signif-

icantly more common than stellar mergers so we have included this capability into
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cluster particles. There are two conditions which determine whether two cluster par-

ticles will merge. First, the two particles must be within the accretion radius of each

other which is set to be 4 grid cells on the highest level of refinement surrounding the

particle. Second, the particles must be approaching each other and bound meaning

they do not have enough kinetic energy to reach a greater distance apart than the

accretion radius. If these conditions are met, the smaller particle is merged to the

larger one. All properties of the smaller particle are added to the larger one including

the newly added cluster particle properties described earlier (except the time of last

sampling which is unaffected by the merger).

4.5.2 Heating and ionization due to cluster particles The major difference

in using sink particles for clusters is that the ionization and heating are due to a

collection of stars. The calculation of these quantities is simplified by recording the

mass of all its stellar constituents. The total ionization and heating rates are just

the sum of the rates from the constituent stars. To perform the sum, however, the

temperatures and radii of the cluster stars need to be known since the mean intensity

appears in both quantities. We use the analytic functions given in Tout et al. (1996)

to determine the stellar radius and effective temperature of each star from its mass.

The procedure for calculating the total photoionization and photoionization heating

rates goes as follows. For every star present in the cluster particle, the radius and

temperature are found via the analytic functions. These are used to calculate the

individual stellar photoionization/heating rates and added to a running total. After

the calculation, the totals are saved and passed to the raytracing routine. This
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procedure is repeated for every cluster particle in the computational volume. If no

new stars are formed in the next timestep, then the saved values are again passed

to the raytracing routine. If new stars are formed, the contributions due to the new

stars are added to the running total and are saved for future use.

The heating due to non-ionizing radiation requires the non-ionizing luminosity of

the cluster to be known. Again, this is just the sum of the non-ionizing luminosity

of its member stars. A lookup table with 300 entries for the non-ionizing luminosity

of stars with masses between 0.1 and 100 M� was created in order to increase the

code’s efficiency. The total non-ionizing luminosity is found by looping over all stars

in a cluster particle, finding the nearest mass entry in the table, and adding the

corresponding luminosity to the running total. As with the photoionization/heating

rates, the non-ionizing luminosity is calculated once and saved until new stars are

formed at which point their contributions are added to the previous total.

The DORIC routines also include heating due to accretion luminosity from in-

dividual stars. The accretion luminosity can contribute significantly to the total

luminosity during the prestellar phase especially during episodic accretion events

(Offner & McKee, 2011). In this work, however, we have chosen to ignore the ef-

fects of accretion luminosity. The main reason for this is that it requires knowledge

about the accretion rate onto the stars inside the cluster particle. Our model as-

sumes that all accreted mass is used to form main sequence stars meaning there is

no accretion onto stars after they form. If this was not the case, we would have

to introduce further parameters into our model which describe what fraction of ac-

creted mass is used to form new stars versus being accreted onto already formed
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stars. Moreover, protostellar accretion rates have a dependence on mass which in-

troduces another complication (Schmeja & Klessen, 2004; Krumholz et al., 2006c).

Since these parameters are currently not well constrained, we ignore the effects of

accretion luminosity in this work.

To justify the absence of accretion luminosity, we can consider the timescale for

massive star for massive star formation. Since massive stars are the largest contrib-

utors to the overall cluster luminosity, an increased luminosity of these stars during

the prestellar phase will may have a significant impact. McKee & Tan (2003b) have

shown that it takes ∼105 yrs for a massive star to reach the main sequence. Con-

sidering the freefall time presented in Chapter 3 was 3.65×105 yrs and models were

run for 2 Myrs, the overall impact of prestellar evolution would likely play a minor

role. While the luminosity during the prestellar phase is higher compared to the

main sequence phase, the difference is no larger than an order of magnitude (McKee

& Tan, 2003b) again suggesting it is appropriate to ignore accretion luminosity and

prestellar evolution. Nonetheless, our estimates for total cluster luminosity represent

minimum values.

Our model discussed in Chapter 3 can be augmented slightly to include the effects

of prestellar evolution. This would involve randomly selecting a final stellar mass

and setting aside that mass. The star’s evolution would then follow a pre-main

sequence track, like those in Hosokawa & Omukai (2009), for a chosen amount of

time before reaching the main sequence. Since fiducial values for the accretion rate

are built into these prestellar models, we would not need to add individual stellar

accretion rates ad hoc.
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Chapter 5

Simulation Results

The current chapter will outline the results of three hydrodynamical simulations

performed using FLASH which incorporated the cluster particle model described in

Chapter 3. Identical simulations with and without radiative transfer allow the effects

of radiative feedback to be examined. The resulting cluster particle properties are

discussed and the cluster mass distribution also compared to observations.

5.1 Initial conditions Three simulations have been run to compare the

effects of increased resolution and the inclusion of radiation. All simulations have

the same initial conditions. The simulated region is 11 pc in size and contains a total

of 5.8×104 M�. The initial density profile is peaked at the centre with a density of

6500 cm−3 and radially decreases outwards as r−3/2. The peak density was chosen

deliberately to be less than the cluster formation threshold of 104 cm−3 to allow

some time for the region to collapse before forming clusters. Rigid body rotation

around the z-axis, with an angular velocity of 1.1×10−14 s−1, is included. This is

added to reproduce the non-zero angular momentum observed in molecular clouds.
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Table 5.1: Summary of simulation parameters and results

Name Radiation Total Mass [M�] Resolution [pc] Number of Sinks Simulation Time [Myr]
RHD6 Yes 5.80×104 0.04 95 1.11
HD6 No 5.80×104 0.04 5 1.94
HD8 No 5.80×104 0.01 1 0.17

An initial supersonic turbulent velocity field with no further driving is also included.

A Burger’s spectrum (ie. the power at different wavenumbers, k, varies as k−2) with

a Mach number of 4 is used. The initial temperature is set to 10 K everywhere in

the volume,

The three simulations are denoted as RHD6, HD6, and HD8 where R indicates

radiative feedback is present, HD stands for hydrodynamics, and the number indi-

cates the maximum refinement level in the simulation. A maximum refinement level

of 6 and 8 translate to a resolution of 0.04 pc and 0.01 pc, respectively. See Table

5.1 for a summary of the simulation properties.

5.2 Radiative feedback effects

Figures 5.1 and 5.2 show a slice through the middle of the z-axis at 0.15, 0.5, 0.75,

and 1 Myrs for runs RHD6 (Figure 5.1) and HD6 (Figure 5.2). The locations of the

cluster particles have been projected onto this slice. It can be seen that both runs

start similarly with turbulence breaking up the gas and one cluster particle forming

in the center. There are significant differences however that arise later, as seen in the

bottom rows of Figure 5.1. At 1 Myr, RHD6 has produced 44 cluster sink particles
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while HD6 has produced only 3. The large number of cluster particles in RHD6 are

grouped within the inner 2 pc of the simulation.

The early evolution of both simulations is similar. The turbulence initially breaks

the gas into a network of small and intersecting filaments. One large particle forms

immediately in the high density region in the center of the simulation and reaches a

mass of 750 M� by 0.15 Myrs. As the simulations evolve, the number of filaments

decreases but the ones that remain are wider and more well defined. These filaments

branch off the central overdense region and are likely providing mass to the accreting

cluster particles. By 1 Myr, there are three well defined filaments which intersect at

the center of the computational volume.

Only one particle forms in the first 0.4 Myrs of both RHD6 and HD6. At 1 Myr,

run HD6 has formed three particles with masses of 79.4, 4.96×103, and 2.16×104

M�. Run RHD6 is dominated by two particles of masses 6.96×103 M� and 120 M�

until a time of ∼1 Myrs at which point a large number of clusters particles form in

the central region. A total of 47 cluster particles have formed in run RHD6 by 1

Myr.

The emergence of the large number of particles is due to likely due to a spiral wave

triggered by the close interaction of cluster particles in the central region. Figure 5.3

shows the density in the x-y plane just before and after the burst of cluster particle

formation at times of 0.93, 0.95, 0.97 and 0.99 Myrs. The interaction between a few

particles produces a high density region which rotates around the centre. This high

density region then quickly fragments leading to a large number of cluster particles
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being formed in a small volume. There is no such close interaction in HD6 between

cluster particles, so the same behaviour is not seen.
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Radiative feedback from the cluster particles in RHD6 has a dramatic effect

on the temperature structure and dynamics of the gas. The gas surrounding the

grouping of particles is heated to ∼2×104 K. The heating is also capable of driving

large scale outflows, as seen in Figures 5.4 and 5.5 which show the inner region of

the computational domain. The rows corresponds to times of 0.93, 0.94, 0.97, and

1.1 Myr from top to bottom. Velocity vectors are overplotted to show the direction

of the flow. It can be seen from these figures that a large scale outflow is driven

by the group of clusters at the center. Unlike HII regions however, the inside of

this outflow does not remain at ∼104 K but cools quickly to 10 K (the minimum

allowable temperature in our simulations). There is also very little ionization inside

the outflow.

We propose that this is due to similar effect that is seen by Klassen et al. (2012).

In their simulations, a series of bursts are observed which drive outflows. These are

attributed to the building up of pressure due to ionizing radiation which is confined by

the infalling gas. Eventually, the pressure becomes strong enough to break through

the accreting gas resulting in a burst. A similar mechanism could be at work here

where the extreme heating in the vicinity of the clusters increases the pressure of the

gas which results in an outflow. The expanding outflow then cools rapidly except

at the expanding front which is kept at high temperatures due to shock heating.

The corresponding density plots show the outflow is launched towards a region of

low density. This is similar to the behaviour seen in Dale et al. (2012) who showed

that heating and ionizing radiation is preferentially released in the direction of low

density voids perpendicular to filaments.
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Figure 5.1: A density slice (in g cm−3) showing a slice through the center of the z-axis for run
RHD6. The locations of the cluster particles are projected onto this slice and shown by the black
dots. The plots represent times of 0.15, 0.5, 0.75, and 1 Myrs from top to bottom and left to right.
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Figure 5.2: A density slice (in g cm−3) showing a slice through the center of the z-axis for run HD6.
The locations of the cluster particles are projected onto this slice and shown by the black dots. The
plots represent times of 0.15, 0.5, 0.75, and 1 Myrs from top to bottom and left to right.
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Figure 5.3: Density slices (in g cm−3) along the z-axis showing the emergence of a large number
of cluster particles in RHD6. Interactions between cluster particles produces an overdense region
which rapidly fragments to form new particles. The plots are shown at times of 0.93, 0.95, 0.97.
and 0.99 Myrs.
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Figure 5.4: Temperature slices (in Kelvins) through the x-axis showing a side on view of an outflow
emerging from a group of particles clustered near the center of the computational volume in RHD6.
The arrows show the velocity of the gas, indicating that the loop structure is indeed an outflow.

93



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

Figure 5.5: The density corresponding to the plots shown in Figure 5.4. The outflow is is launched
into a region of low density and is confined by a filament on one side.
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The presence of outflows presents another possibility for the emergence of particles

at ∼1 Myr. Their formation may have been triggered by the outflow. The outflow

shown in Figures 5.4 and 5.5 starts at 0.93 Myrs, consistent with the formation of

clusters in the centre of the volume. Triggering of star formation has been observed

in other simulations which include feedback (Dale et al., 2005, 2007, 2012) so we may

be seeing a similar effect.

To further quantify the differences between runs, we have plotted the mass of all

cluster particles as a function of time in Figure 5.6 for RHD6, HD6, and HD8. Due

to constraints on computaional resource time, HD8 could only be run for ∼175 kyr.

While there is only one particle in the simulations at this time, there is no significant

difference in particle mass between runs. This suggests that numerical convergence

is not a significant issue in this work but HD8 will need to be evolved further for this

claim to be verified.

Figure 5.6 clearly shows that radiative feedback is affecting the accretion onto

cluster particles. The particles in run RHD6 accrete for a significantly shorter time

than those in HD6. This is seen most clearly in the mass evolution of the first particle

that forms. The particle grows identically in mass between runs until ∼0.4 Myr at

which point the accretion stops completely in RHD6. Particles that form later in

RHD6 stop accreting almost instantly after they form. This behaviour is not seen in

run HD6. The radiation being produced in RHD6 is clearly heating and dispersing

the gas enough to strongly reduce accretion.
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Figure 5.6: Top: A plot showing the mass of all cluster particles that form in the three simulations
as a function of time. RHD6, HD6, and HD8 are coloured red, blue, and black, respectively. Lines
that end abruptly are either due to the simulation ending or merger events. Bottom: The total
mass present in cluster particles as a funtion of time and the respective star formation efficiency.
The total mass in clusters is given by the solid lines and the star formation efficiency by the dashed
lines. Note that the star formation efficiency is defined as the total mass in clusters divided by
the instaneous mass in the simulation to account for mass growth. Clearly, radiative feedback is
strongly suppressing the formation of clusters.

96



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

The emergence of a large number of small mass particles in RHD6 around 1 Myr

seems to go against previous simulations which have shown that radiative feedback

prevents the fragmentation of gas. While the emergence of these particles is likely due

to a passing spiral wave, we could be seeing a similar effect as seen in Parker & Dale

(2013). These simulations showed that simulations which include radiative feedback

tend to produce clusters that are more subclustered and remain subclustered for a

longer period of time. Since the particles that emerge at 1 Myr are tightly grouped

together, we could be seeing the same effect in our work. Due to the close proximity

of these particles, we expect that merging will decrease the number of particles over

time.

Even though a larger number of particles appears in run RHD6 compared to

HD6, radiative feedback still supresses the large scale fragmentation of the cloud.

This can be seen in the bottom panel of Figure 5.6, where we have plotted the total

mass in sinks (solid lines) and the corresponding star formation efficiency (dashed

lines) defined as,

εSF =
Msinks

Mtotal

(5.1)

where Msinks is the total mass contained in cluster particles and Mtotal is the total

mass in the simulation.

There is an important note to make here about the total mass in the simulation.

When analyzing the simulation results, it was noticed that the total mass in the

simulation volume was growing despite having outflow conditions at the boundary.
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The mass in HD6 doubled by the end of the simulation and the mass in RHD6 grew

by ∼20%. We have attributed this to mass being drawn in from the ghost cells

surrounding the volume due to the large gravitational potential at the centre. As

discussed in Chapter 3, these cells surround the computational volume and are set

to the same density as their neighbour. Mass can therefore be drawn in from these

ghost cells given a large enough central potential. To verify this, we did an order of

magnitude calculation for the total mass added to the simulation given by,

Madded = ρvAtgrow (5.2)

where ρ is the typical density at the simulation edges, v is the inward velocity at the

simulation edges, A is the total surface area over which mass is inflowing, and tgrow is

the time over which the growth occurs. Using HD6 as an example, the mass growth

is roughly linear and occurs only in the last 750,000 years which results in an added

mass of ∼6×104 M�. Since the simulation started with 5.80×104 M� and doubled

in mass by the end, we conclude that this is the cause of the growth in mass. The

star formation efficiency is then defined as the total mass in cluster particles divided

by the total instantaneous mass in the computational volume.

The star formation efficiency shown in Figure 5.6 shows that radiative feedback

suppresses the formation of clusters. At the end of RHD6, there is a total of 1.5×104

M� in clusters compared 3×104 M� at the same time in run HD6. These correspond

to a star formation efficiency of 25% in RHD6 and 50% in run HD6, a factor of 2
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Figure 5.7: The accretion rates as a function of time for the two most massive particles in RHD6
(top) and HD6 (bottom).

difference. This difference in star formation efficiency is consistent with Offner et al.

(2009) who also showed radiative feedback decreased the efficiency by a factor of 2.

5.3 Cluster Properties

With a set of full hydrodynamical simulations, we are able to compare the result-

ing cluster properties to observed clusters and the results from our subgrid modeling

described in Chapter 3. The first quantity we have chosen to examine is the accretion

rate onto clusters. Unlike the modeling described in Chapter 3, the accretion rate
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into our simulated cluster particles is determined by the local environment and not

assumed to be constant. In Figure 5.7, we have plotted the cluster particle accretion

rates for the two most massive particles in run RHD6 (top row) and HD6 (bottom

row). The final masses for the particles shown in Figure 5.7 are 6.97×103 and 850

M� for run RHD6 compared to 5.30×104 and 4.43×104 M� in HD6. It can be seen

that the accretion rate is not constant with time, as assumed in the modeling, but

varies over a few orders of magnitude. The average accretion rate for the particles

ranges from 0.002 to 0.03 M� yr−1. These average accretion rates fit well within

the range assumed in Chapter 3. The large jumps in the accretion rates are due to

merging events between cluster particles.

Figure 5.7 also shows the effect of radiative feedback. The particles in run HD6

continue accreting until the end of the simulation. In RHD6 however, the accretion

rate drops to zero shortly after the particle’s formation. We are again seeing that the

heating and dispersal of the gas due to radiative feedback greatly suppresses, and in

this case stops altogether, the accretion of mass.

In Figure 5.8, we have plotted the SFR within the three most massive particles

in run RHD6. The average SFRs for the cyan, magenta, and yellow tracks are

0.006, 0.001, and 0.0005 M� yr−1 respectively. Using the final particle masses of

6.97×103, 850, and 475 M�, we are able to compare the resulting SFRs to the

modeling performed in Chapter 3 (see Figure 3.8). The SFRs for regions of the

same final mass in Chapter 3 are roughly 0.03, 0.0004, and 0.0003 M� yr−1. The

average SFRs obtained from the simulation clearly are different than those found

in the modeling. Moreover, there is no consistent pattern (eg. all higher SFRs in

100



M.Sc. Thesis ––––––– Corey Howard ––––––– McMaster University - Physics and Astronomy ––––––– 2013

Figure 5.8: Top: The SFR as a function of time for the three most massive particles in run RHD6.
Bottom: The luminosity evolution of the three most massive particles in RHD6 (shown by the
dashed lines) and the total luminosity of all particles (solid line). The total luminosity is dominated
by one single particle whose track is drawn but cannot be seen because it is convered by the total
luminosity line.

the simulation compared to the modeling). This highlights the importance that the

accretion history can play in determining the star forming properties of a cluster.

The luminosity of the three most massive particles in RHD6 is shown in the

bottom panel of Figure 5.8. The coloured lines represent individual particles while

the black line shows the total luminosity of the region. It can be seen that the

luminosity is completely dominated by a single particle whose individual luminosity

track cannot be seen because it is covered by the solid black line. We are again
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able to compare the resulting luminosity to those found in the modeling. The total

mass contained in cluster particles at the end of the simulation is 1.80×104 M�.

From Figure 3.6, a region this massive should have a final luminosity of ∼5×107

L�, compared to the value of ∼2×106 L� that we find in the simulation. This

comparison, however, assumes that the total mass in clusters is all contained in a

single particle. In our simulations, however, the total mass in clusters is spread across

many particles. The amount of gas available for star formation in each particle is

therefore less which, as shown in Chapter 3, can prevent the formation of massive

stars. If, instead, we compare the luminosity of individual cluster particles to Figure

3.8, we find a much better agreement between the results.

5.4 The subcluster mass function

While we have been defining our particles as distinct clusters, the large grouping

of cluster particles at the centre of simulation volume would likely be considered as

a single cluster by an observer. We therefore interpret our particles as subclustered

regions which, given enough time, will merge to form one large cluster. We will

therefore refer to the resulting particle mass distribution as the subcluster mass

function (SCMF).

There is observational evidence for subclustering present in the early stages of

cluster formation for a variety of star forming regions (Testi et al., 2000; Yan et al.,

2010; Gouliermis et al., 2012). These all show that clusters are not born as large,

centrally condensed objects but are instead built up of smaller clustered regions
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whose stellar densities are significantly higher than the average. The ages of these

subclusters are not necessarily the same and can differ by a million years or more.

It is estimated that these regions will merge through dynamical interactions in ap-

proximately three million years.

There is evidence from our simulation which suggests that our cluster particles

represent subclusters of one object rather than many distinct and independent clus-

ters. As can be seen in Figure 5.6, a significant amount of merging has already

occured by 1 Myr which is indicative of subclusters. There is also a significant age

spread among the cluster particles. An age spread suggests that each particle is a

distinct star forming region which is undergoing collapse independently. This, com-

bined with the fact that the particles are all grouped together within the inner parsec

of the simulation volume, suggest we are forming subclusters. Since typical clusters

have half mass radii of 0.1-1 pc (Lada & Lada, 2003), there would likely be overlap

among the ’clusters’. Therefore, our particle more accurately represent the centers

of subclusters.

Unfortunately, there are no measurements of a subcluster mass function with

which to compare our resulting mass distribution. This is due to the difficulty in-

volved in defining what constitutes a subcluster. Instead, observational studies tend

to focus on single cluster forming regions and attempt to identify whether subclus-

tering is present or not. The focus is therefore not on the properties of subclusters

but whether they are present at all. We can, however, still note general properties

of the SCMF shown in Figure 5.9.
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We find that the largest mass particles form first. This is also seen in run HD6 but

the distribution is not shown here due to the low number of cluster particles formed.

This is likely due to their location at the centre of the computational volume where

there is the largest amount of gas available for fragmentation and further accretion.

The burst of particles that forms at ∼1 Myr fills out the lower mass end of the

SCMF.

The final distribution peaks at approximately 50 M� and has a power law slope

of -14. This steep slope suggests that particles are born with a characteristic mass

and can fill out the higher mass tail of the SCMF. Since a large number of particles

formed close to the end of the simulation, the particles around 50 M� have not had

time to accrete significant mass. Over time the hierarchical merging of subclusters

will result in a flattening of the SCMF as objects are moved towards the high mass

end of the distribution.

An important note to make is that our particle mass distribution is sensitive to

the threshold density required for particle formation. We have chosen a density of 104

cm−3 to be consistent with observations of star forming clumps (Lada & Lada, 2003).

This threshold density corresponds to a Jeans mass of roughly 3.5 M�. By decreasing

the threshold density we can increase the Jeans mass which can significantly alter the

initial masses of cluster particles. Due to time constraints, the effect of changing the

threshold density will not be examined in this work. However, the currently adopted

value is consistent with observations and is appropriate for a first attempt.
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Figure 5.9: The ECMF for run RHD6 shown at three different times. The largest mass particles
form first followed by the burst of smaller mass particles which fill out the lower mass end of the
ECMF.
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While the mass function presented here is for subclusters, we can still compare

our distribution to the embedded cluster mass function (ECMF) and note any sim-

ilarities. From Lada & Lada (2003), the ECMF has a power law slope of -2 which

is significantly more shallow than the SCMF. This is not surprising. Since we are

looking at the distribution of subcluster masses, we expect a higher number of low

mass objects. The ECMF, however, also peaks at ∼50 M�. This peak may therefore

represents a characteristic cluster mass scale below which there is little star forma-

tion activity. It can be argued that the same characteristic peak should be present

in both the ECMF and the SCMF. The peak value may represent the typical mass

scale for fragmentation out of a dense clump. This could be partly due to the decay

of supersonic turbulence which may dissipate on scales corresponding to the peak

value. Objects of this mass will therefore be most prevalent in the early phases

of cluster formation before significant amounts of merging and dynamical evolution

occur (as in the SCMF). However, merging can only occur in regions which have

enough mass to form multiple subclusters. Since the ECMF is a census of embedded

clusters forming in different regions across the galaxy, there are certainly low mass

regions contained in the embedded cluster sample where there may be insufficient

mass to form multiple subclustered regions. This would result in the same charac-

teristic scale being reflected in the ECMF. We can therefore view these ∼50 M� as

’cluster seeds’, some of which will be able to grow and merge with other subclusters

but the majority are unable to do so.

There are a few ways to make a better comparison to the observed ECMF. If

the simulation is evolved further, merging between particles may lower the peak of
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the SCMF and subsequently raise the high mass tail resulting in a more shallow

powerlaw distribution. We could also define an embedded cluster as the total mass

in cluster particles contained within a chosen radius. Both these methods could

produce SCMF’s which better reproduce the observed result but also decrease the

total number of clusters leading to a less statistically significant sample. As an

alternative, a suite of simulations could be run which vary the initial mass. This

would lead to a larger sample size drawn from different star forming environments.

This better reflects how the measurements of the ECMF were made; by taking a

census of embedded clusters forming in drastically different environments.
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Chapter 6

Conclusions

We have shown through the development and implementation of a subgrid model

to represent the radiative output of star clusters that radiative feedback can signif-

icantly alter the formation and properties of star clusters. This work was divided

into two main sections, one which describes and justifies the subgrid model, and one

which describes the results of full hydrodynamical simulations which use this model.

The subgrid model used to represent the radiative output of a cluster involves

randomly sampling the Chabrier IMF every tenth of freefall which, assuming a den-

sity threshold for cluster formation of 104 cm−3, amounts to every 36 kyrs. Every

time the IMF is sampled, 20% of the available gas inside the cluster is converted to

stars whose masses are recorded. The total radiative output of the cluster is then

the sum over the outputs of the constituent stars.

To examine the behaviour of our model, a suite of tests was run which varied

the initial mass and the accretion rate into the cluster forming clump. The initial

masses range between 0 and 105 M� while the accretion rates range from 10−5 to

10−2 M� yr−1. We find that our model can accurately reproduce the ionizing photon
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output as compared to more detailed stellar evolution modeling with a clump of

mass 104 M� having an ionizing luminosity of 1050−51 s−1. Our model also forms the

expected number of O stars. Since O stars dominate the luminosity of the cluster,

this is a significant result. We have identified a final clump mass threshold for O star

formation of ∼5000 M� which is consistent with observations of the ONC.

We have also shown that how a clump gets its mass can affect its star formation

properties. The ’reservoir dominated’ is characterized by a decreasing SFR while

the’accretion dominated‘ has an increasing SFR. We find that small (∼ 100 M�)

clusters have SFRs of 10−5-10−4 M� yr−1 while larger clusters (> 104 M�) can exceed

10−2 M� yr−1. Lower mass clusters also exhibit more variablility in their SFRs than

higher mass clusters.

The SFR in a clump is found to scale linearly with the total mass of the clus-

ter. This is consistent with both galactic and extragalactic star forming regions. A

timescale for star formation of roughly 3 Myrs has been identified which provides a

useful prediction for the expected age range within a young, relatively massive star

cluster.

The implementation of our subgrid model into the AMR code FLASH clearly

shows that radiative feedback has a significant impact on the formation of clusters.

The build up of hot gas in the vicinity of evolving clusters results in large scale

outflows. The most important result from our simulations is that radiative feedback

decreases the efficiency of cluster formation by a factor of 2, from 50% in the case of

no radiative transfer to 25% with radiative transfer.
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The simulation with radiative feedback produces significantly more clusters, a

total of 95 particles after 1.11 Myrs, compared to the case without radiative transfer

which only formed 5. The total mass in cluster particles, however, is less when in-

cluding radiative feedback. We have interpreted this result as increased subclustering

which is seen in other simulations which include radiative feedback.

The resulting distribution of cluster masses has the correct turnover at 50 M� but

has a powerlaw tail which is significantly steeper than the observed ECMF. However,

our mass distribution is more aptly described as a subcluster mass distribution since

the resulting particles are tightly grouped together and would likely be considered

a single large cluster by an observer. This can be overcome by allowing the simula-

tion to evolve further which should decrease the total number of particles through

merging, and by running more simulations with varying initial mass.

Future simulations will have varying initial conditions which better represent the

observed structure of a molecular cloud. The initial density profile used in this work

is a first step but is most likely too centrally peaked resulting in one large cluster at

the center. This can be compared against simulations which have a flat top density

profile or, better yet, molecular clouds which have been extracted from galactic scale

simulations and input into FLASH. This is an important step towards a coherent

picture of radiative feedback and its effects on star cluster formation.
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